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SYNOPSIS

The life cycle of a star having mass higher than 8310 usually ends with a rapid collapse
of its Fe-core followed by a violent explosion, called supmfa. These core-collapse su-
pernovae (CCSN) are some of the most energetic events inataxyg After the collapse,
a proto-neutron star (PNS) of very hot and highly dense matteorn with trapped neu-
trinos. Its central density can reach a few times of the rarcddaturation density. Within a
few seconds after the release of the neutrinos, the PNSajgnerolves into a neutron star
(NS) or a black hole (BH) depending on its mass. A stable NSdraperature far below
than the relevant Fermi temperature making it effectivetgie temperature object. These
NSs are the most dense objects found in the observable saivEney provide us a unique
opportunity to test the theories of matter at densities twisennot be otherwise created at
terrestrial laboratories.

Atypical NS has mass\ ~ 1.5M, but very small radiusi ~ 10— 12km. Its density
ranges fromi0%g/cm? at the outer crust to abow!>g/cm? at the inner core . Properties
of matter at sub-saturation densities are well constrainyeexperiments. Attempts have
been made to extrapolate those results to predict the nattunatter at supra-nuclear den-

sities and above. But, there are still major uncertaintagsbbth at high densities and



asymmetric nuclear matter. Over the years, various thieat@hodels have been proposed
to explain internal structure and characteristics of N$ #till an open question whether
exotic phases of matter such as hyperons, Bose-Einstedeonsates of pions and kaons,
and also quarks may exist in the NS interior or not. Astroptalbservations are very
crucial in this respect, to put strong constraints on thesdais. Recent measurements
of pulsar masses for PSR J1614-223®7 + 0.04M) in 2010 and PSR J0348+0432
(2.014+0.04M) in 2011 have tremendous implications for constraining2b® as pointed
out earlier.

Walecka model, a Lorentz covariant theory of dense matteslving baryons and
mesons, is arguably the most popular scheme applied widetgltulate the the equa-
tion of state (EoS) of neutron star matter. In this model réiativistic mean-field (RMF)
calculations including non-linear scalar meson termigi¢he saturation properties of nu-
clear matter and finite nuclei quite well. But, as the regiineva saturation density is not
well understood, there are two ways to use it to estimateititedensity behavior, 1) to in-
clude nonlinear self-interaction terms for scalar andmefi¢lds, 2) to incorporate density
dependence through the meson-baryon couplings. Theha#tgbe a suitable approach as
higher order field dependence may appear leading to ingitabih the previous one.

Pauli exclusion principle dictates the appearance of ggdiadrons in the high density
baryonic matter. But, regardless of precise compositialiqossibilities introduce addi-
tional degrees of freedom resulting a softening of the Ea8atfer, lowering the maximum
mass predicted from those EoSs. It has been argued thatrmoove this puzzle one may
have to incorporate hyperonhyperon repulsive interactitth the exchange of a strange
vector meson to make the EoS stiffer.

We were interested to investigate the possibility whethespite of softening of EoS

due to both anti-kaon condensations and hyperons, one ilamatbage to construct an



EoS with strange matter and achieve a maximum mass congpatithi 2 M/, within ob-
servable limit. For this we used a density dependent resdtivield theoretical framework
with hyperons and anti-kaon condensates. We also ¢étsedson for hyperonic and kaonic
interaction in addition t@, w andp mesons of usual extended RMF model. In this frame-
work, we studied the EoS and the compositions of NS mattér-tequilibrium. In our
calculations, we used DD2 parametrization which is used/é&duate the density depen-
dent nucleon-meson couplings , SU(6) relations to detexryperon-vector meson cou-
plings, hypernuclei data to determine hyperon-scalar mesaplings. We computed the
meson-anti(kaon) couplings (farandp) from the quark model and isospin counting rule
and forg-meson we used SU(3) relations. Our results are qualitgtoamsistent with the
results of other models. We also observed that the appeaddrstrange baryons softened
the EoS. But, most of the existing EoSs conflict with the oletgon of such high pulsar
masses. However, in all the cases we found the maximum mass whe constraint of
observational limit. Therefore, we concluded that exotdSE can not be ruled out by the
observation o2 M, neutron star.

The success of the density dependent hadron field theorylrhadded to its use in
CCSN simulations. Recentlyy, hyperons have been added to this supernova EoS making
it one of the very few relativistic supernova EoS tables withyperons available in litera-
ture and the only one to satisfy the observational mass@nstWe conducted a thorough
comparative study between this new EoS created by Banik,pgdeand Bandyopadhyay
(denoted by BHB.¢) and the widely used supernova EoS by Shen et. al (denote&bgit
A) . Both of these EoSs are applied into a one-dimensionakiattly symmetric general
relativistic (GR) code&r R1 D to study the dynamical collapse of a non-rotating massae st
into a black hole. It is based on Eulerian formulation of GRitogynamics with high res-

olution shock capturing scheme working with non-equidistaid. It uses a simplified and

Vi



computationally efficient treatment of neutrino heatingl @ooling. Different progenitor
stellar models with solar metallicity are used as initigied@ar the simulations. We studied
radial profiles of density, temperature and mass-fractairitbe PNS at different instants
of time, in great detail. We also examined the temporal giaiuof density, temperature,
mass-fractions, neutrino luminosity, shock radius etcthefPNS to carefully distinguish
the effects ofA hyperons on the metastability of the PNS, onset of BH foramagitc. It is
observed thals start appearing in large fraction a few hundred millisesaafter the core
bounce. Normally, when the core region reaches densityeatwaice the nuclear satura-
tion density, the onset of hyperon is energetically favored. It also have a distinfetaf
on BH formation time. As hyperons soften the EoS, black htdess much earlier than
the nucleon-only case. Also the neutrino luminosity ceaseker for both the hyperonic
EoSs.

Generally, it is argued that one dimensional simulatioiis ta produce a successful
supernova explosion. Therefore, we used an artificiallyaanbd neutrino heating scheme
and carried out long duration evolution to study the shodkusfor a successful supernova
explosion and gravitational mass of the remnant PNS. Thersopa SN1987A, since its
discovery, has become the most studied star remnant innpiatw has provided great
insights into supernovae and their remnants. We studied a@0) M, progenitor model
similar to the progenitor star of SN1987A and induced an@siph with artificial heating
and studied the long duration time evolution of the PNS. Waébthe shock radius con-
tinually expanding and the PNS remaining stable after c@rable amount of time. As we
did not find any delayed collapse, we concluded that theréig a possibility that stable
cold neutron star may exist behind the debris of SN1987A gerhn

Another interesting phenomenon that we studied is thelasoihs of highly magne-

tized neutron stars or the magnetars. Magnetars are on@typitron stars with a very
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strong magnetic field> 10'> G. The change of orientation of this field results in a huge
release of energy~( 10*° ergs/s) as a gamma ray burst. This type of bursts have been
observed; thus substantiated the magnetar hypothesisflaie activity consists of a hard
pulse which lasts only for a fraction of a second, followedabgecaying softer part(x-
ray/gamma ray tail of the spectrum) which lasts for hundaddseconds. They are called
soft gamma repeaters (SGRs). In this decaying part of thedigrve several quasi periodic
oscillations(QPOs) have been detected with frequencigsinange of 18 Hz to 1800 Hz .
The analysis of the light curve of SGR 1806-20 gives the feegies of 18, 26, 29, 56, 93,
150, 626, and 1837 Hz. The physical origin of QPOs are prapaseseismic vibrations
of the star. This opens the possibility to perform astesaelogical analysis of neutron
stars.

We studied the effect of strongly magnetized crust on varioscillatory modes of
magnetar. We used the SLy4, SKM and Sk272 nucleon-nucleeractions and the shear
modulus calculated from these models in presence of strawunatic fields> 10'7 G to
study the frequencies of torsional shear modes as well aglthal Alfvén modes. The
shear modulus increases in strong magnetic fields. But,abserved that this increase
in shear modulus does not affect the frequencies of fundahtarsional shear modes.
But, the frequencies of first overtones are markedly diffene the strong field case from
field-free case. The effect of crust is found to disappeawv@lzocritical magnetic field
(B > 4 x 10* G) and both the torsional shear and Alfvén oscillationsob@e magnetic
oscillations. Finally, we compared our calculated freques using different stellar mod-
els, magnetic fields and magnetized crusts with observgdérecies for SGR 1806-20 and
SGR 1900+14. We found very good agreement for SGR 1900+1¢ f@USGR 1806-20
we found that lower frequencies match well with those of thié&n modes, whereas the

higher frequencies are better explained with the torsishear modes.
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aaesssssssssmn CHAPTER]1

INTRODUCTION

1.1 General Introduction

Supernova explosions are the most powerful phenomenavausigr nature. A supernova
emits energy of the order ab>3erg/s in its first seconds. Most of the energy (99%) is emit-
ted in neutrinos, a small fraction goes into the kinetic artdrnal energy of the supernova
ejecta, a fraction of which is converted into electromagnetdiation. These explosions
make most of the elements in nature and give birth to compaetcts such as neutron
stars and black holes. Historically, supernovae were cheniaed by their observed spec-
tra. Type | supernovae don’t have hydrogen line, whereas Thygxhibits strong hydrogen
lines. Type la has strong silicon absorption lines, but Typédc don’t. Depending on the
shape of the light curve Type Il supernovae are divided inbxkasses Type II-P (plateau),
Type II-L (linear), Type lIn (narrow) and Type lib.

Based on their mechanism, supernovae can be broadly ctassifo two types :

» Type la, in which a white dwarf star accretes mass from ity companion and



once its core reaches the critical temperature to starbadiision, it undergoes a

runaway thermonuclear reaction leading to the completatdgration of the star.

« Allothers (Type I, Ib, Ic etc.) happen when at the end ofifecycle, the iron core of
a massive star exceeds the Chandrasekhar limit and undeggmatational collapse

to form a neutron star or black hole.

Type la supernovae are found in all types of galaxies, bustipernovae powered by
the collapse of the stellar core have been observed maitheistar forming regions. We
are interested mainly this kind of core collapse supernax@eh occur most frequently in
nature. After their prediction by Baade and ZwicKy in 1934, scientists have been trying
hard to have a detail understanding of their workings. Nesgpmcontributions came in the
1960s, when Colgate and the collaborat&s3], Arnett [4], Wilson [5] gave solid foun-
dation to the core collapse theory. However, after the sugyer SN1987A and also the
advancement of high performance computing, there has lgamous studies and model-
ing done to shed light on various subtle aspects of a supaqrocess like hydrodynamics,
radiative transfer, dense matter physics, neutrino peyaitong many moresg13]. Still,
the exact nature of the explosion is not well-understood.

In this chapter, different aspects of the core collapserthedl be discussed along with

the currently accepted scenarios of explosion mechanism.

1.2 Death of a Massive Star

A main sequence star spends most of its life generating gr®rghydrogen fusion to
balance the inward gravitational pull. When the core is el of hydrogen, the star starts

to collapse again until the ignition temperature of heliwmaached and the next stage of



fusion starts. For low mass stars8M,), no further nuclear fusion occurs after helium
because of the lack of sufficient gravity to reach the tempegdor carbon fusion. Finally
the collapse is halted by electron degeneracy pressurghargdar settles down as a white
dwarf.

But for massive stars, the fusion process continues. ltimoes to go through succes-
sive cycles of carbon, neon, oxygen and silicon fusion pcodpheavier elements with
periods of stall, contraction and reignition separatingheaycle from the previous. Each
of these burning phases is substantially shorter than ttiereane. Whereas the hydrogen
and helium burning take millions of years, the silicon baghgoes for about two weeks.
Eventually, a core of heavy iron-group metal is formed sumaed by concentric shells
of silicon, oxygen, neon, carbon, helium and hydrogen. Thfamously known as onion
shell structure. Further nuclear fusion in core is not gmedbecause binding energy per
nucleon is maximum for iron, so further fusion would absanbrgy rather than releasing.
But, the iron core continues to grow from the silicon burngingll. The final size of the
iron core depends very strongly on the initial compositiad avolutionary history of the
progenitor. It varies roughly from- 1.2M, to ~ 2M,,. Detail reviews on the progenitor
evolution can be found in Woosley and Weaver (1986,1998)1[5], Woosley, Heger and
Weaver (2002)16].

1.2.1 Collapse of the Core

When the iron core reaches the Chandrasekhar mass, th@eldegeneracy pressure can
no longer stabilize it and it begins to collapse. At the bagig of the collapse, the typical
temperature of the core is abauMeV and entropy is about 0.7 to ~ 1kg per nucleon.

The iron core loses its energy by two processg®lectron captureij) photodisintegra-



tion of iron group nuclei to alpha particles. Thus the cadleys accelerated and the core
becomes more neutron rich. As the density of inner core emaflom~ 10%g/cn? at
the start of the collapse te 10'2g/cn?, the neutrinos from electron capture are trapped
because their diffusion time becomes larger than the cslainet 10~3sec). The col-
lapse then proceeds homologously until density reashag8'4g/cn?. At this stage, iron
nuclei dissolve into their fundamental constituents forgna uniform nuclear matter. As
nuclear matter is compressed further, the repulsive coentast the short range nuclear
force stops the collapse abruptly. This whole collapsegsstakes place only in a matter
of one second. This is known as core bounce. This drives &shaee into the outer core
and the mantle leading to a supernova explosion. This wholeggs takes place only in a
matter of one second.

After the explosion, the compact remnant left behind is dagreeutron star (PNS). It
is initially very hot and lepton-riched. Its temperaturengaach upto 30 MeV. It has a
high degree of differential rotation. The core of the PNS vexry low entropy whereas it
Is surrounded by a high entropy mantle which grows steadilthb accretion of infalling
material. After a fraction of a second (0.5s) of its birtre NS generally cools down sig-
nificantly by releasing the trapped neutrinos. Also whertitlyeped neutrinos are released,
they carry away most of the gravitational binding ener@y ¢ GMys/Rys® ~ 107

ergs) of the star.

1.2.2 The Explosion and the role of neutrinos

Earlier, it was thought that this shock wave from the bounoaldrip apart the outer layer
of the star. But, itis now known that the shock wave losesiesgy mainly by dissociating

heavy nuclei into nucleons and release of neutrinos froreléeron capture process in the



shock region. After- 100 ms the shock stalls completely, and turns into an accretionls
around 100-200 km of radius. The revival of the stalled shecilecessary for a successful
supernova explosion. If a fraction of the energy carriedyalayathe neutrinos is deposited
into the region between the neutrinosphere and the statlecksfront, it is sufficient to
power up the explosion. Although many theories have beepgzed how to transfer this
energy, like delayed neutrino heating mechanism as prodogs8ethe and Wilsonl[/] in
1985, magnetohydrodynamic jet productidi®,[19], acoustic mechanisn2(), 21]; but the
exact mechanism is still not known.

In general, neutrino heating and cooling outside neutphese are done by charged
current processes of neutrino and anti-neutrino captute foee neutron and proton re-

spectively and vice versa.

Ve+n<+—e +p (1.1)

Ve+pi+—e +n (1.2)

However, the cooling rate depends on radius-as % whereas the heating rate varies as
~ r~2. So, after certain distance termed as “gain radius” hedismpmes a dominant
process P, 17]. If the energy deposition is sufficiently strong and fastem the advection
timescale of the gain region, it can lead to a shock revivdlitimately an explosion.

But, it was soon realized that the matter-neutrino intéoastis more than just the two
processes indicated above. It includes nucleon-nucleeméstrahlungY + N < N +
N +v;+1;), pair creation of all flavourse( +e* < v;+1;), plasmon decay( < v; + ;)
and also scattering reactions between neutrino, antineytlectrons, positrons and nuclei

[22-25]. But, except for very light progenitor models (8 — 9M,) in very special cases

(with steep density gradient in pre-supernova structimedlmost all of the 1D spherically



symmetric simulation with detailed general relativisteutrino transport, delayed neutrino
heating scheme fails to revive the shogk|[ Also, the canonical explosion energy from the
successful explosions is much lower than the observatidn The reason of this behavior
can be explained as the neutrino transport in the gain reggeates convective processes,
certain types of hydrodynamical instabilities that can Im@tproperly implemented in 1D
simulations. Therefore, it has been a theoretical chadldngipdate properly the delayed
neutrino heating mechanism in 2D and in 3D.

There are many sources that break the spherical symmethedupernova environ-
ment e.g. nonradial oscillations, neutrino-driven buayd2g], violent turbulence created
due to negative entropy gradient behind the shé&k@ne of the most prominent source
is standing accretion shock instability (SASBI. It is mainly associated with the os-
cillatory motion of the shock surface. The time period is pamable to the advection
timescale from neutron star surface to shock. The instglaitises when the global mode
perturbation(! = 1) grows significantly with time30]. These multidimensional effects
when included in the neutrino scheme enhances the neutraiter interaction and neu-
trino heating efficiency. First successful explosion fromstfprinciple was obtained by
Marek and Janka3[l] for 11.2 and12M,, progenitors using ray-by-ray neutrino transport
including general relativistic effects. There are also 2Bults from other group$p, 33).
The effect of SASI was found in all of them. But, in the most gi&h scenario, we have to
consider the 3D nature of the collapse phenomena. Presduaéyto the lack of computa-
tional infrastructure and robust mechanism to include tineuience flow due to advection
and other energy exchanges, very few simulation result®iex3sts B4, 35. There are
some qualitative differences between 2D and 3D simulatdi@@ore Collapse Supernova
(CCSN) in the postbounce evolution of shock radius, postistilow etc. Also it was

found difficult to explode in 3D than in 2D. The net neutrinealing requirement in 3D



was found 30% higher than in 2D. But, in case of an successgfplbsion, it was also seen

that the 3D models explode earlier than the 2D mod#& [

1.3 Equation of State in Stellar Collapse

The equation of state (EoS) of matter plays a very importaleton the collapse, bounce
and the formation of neutron star and black holes. It can sldstantially effect the neu-
trino luminosity, shock formation and evolution of shocKites [LO]. Extremely high den-
sities and temperatures can occur at the onset of black boteation. In a typical core
collapse event, the density varies frart* g/cm? to 10'° g/cn?, the temperature varies
from 0 MeV to 100 MeV and the lepton fraction varies frotto 0.6. It is very difficult to
construct an EoS in a self consistent way to cover these \aiger of parameters which is
beyond the scope of the laboratory experiments. So, the basnework is to extrapolate
based on the theoretical models which are consistent wititlear experimental data.
The very first nuclear EoS was provided by Hillebrandt andfiMl1985 [37]. But, the
most widely used supernova EoSs are from Lattimer and Swest991 (LS) B8] and
Shen et al. in 1998 (HSher}J]. The LS EoS is based on the non relativistic Skyrme-type
interaction with two and many body terms for uniform high sighmatter and compress-
ible liquid drop model is used to describe low density norfarm matter. On the other
hand, HShen EoS is based on a relativistic field theoreticaahfor high density and
Thomas Fermi approximation is used for non uniform mattéowttemperature and low
density. In both these E0Ss, constituents are free nugléghsnuclei, ideal gas of nuclei
and uniform nuclear matter, single nucleus approximatias @mployed, shell effects were
neglected. In recent years, with updated nuclear data dtef bederstanding, several new

EoSs were developed. Among them, most notable one is by Hemg&chaffner-Bielich



in 2010 (HS) §0]. It treats an entire distribution of nuclei and nucleongwwi the nuclear
statistical equilibrium (NSE) model in a thermodynamigabnsistent way. Also, several
EoSs were recently updated to include exotic form of mateer hyperons by Ishizuka
et al. in 2008 §1], Shen et al. in 20114]2], Oertel et al. in 201243], Banik et al. in
2014 4] and quarks by Sagert et al. in 200%]. A second neutrino burst corresponding
to the quark-hadron phase transition was found by Sageft @b #he simulations using
their quark EoS model. But, only one of these Eo&§ Fatisfies the recent observational
maximum mass limit oRM . The effects of this constraint on the depiction of matter
and the supernova explosion are discussed in great detdite ifollowing chapters and

constitute the core of this thesis.

1.4 Evolution of the Remnant

The evolution of the PNS may occur in several different dices. Just after its birth, if
the core is massive enough, the thermal pressure and thmnotannot sustain it, and it
promptly collapse into a black hole after accreting sufficimaterial. In another scenario,
after deleptonization the chemical potential inside the @ PNS changes. This changes
the threshold density of strange hyperons, anti-kaon awates etc. which will soften the
equation of state of the matter consequently reducing théman sustainable mass. Now,
if enough accretion occurs, there is a possibility of blaoleformation afterwards. This
delayed collapse scenario is called the metastability.all studied extensively by Brown
and Bethe46] in search for a distribution of low-mass black holes in tla¢agy. The last
scenario is the evolution of the PNS into a cold neutron $t&) (Generally, in this case, the
progenitor is smaller. So, the initial PNS mass is not veghhor prompt collapse. Also,

the rate of accretion is not very high. After the release apped neutrinos, the entropy



of the PNS gets higher. There are still a large number of ta#yrgenerated neutrinos of
all flavours inside the star. The thermal neutrinos diffuséhie timescale- 50 seconds,
as the cooling of the hot NS takes place. At this stage, thesN&tually transparent for
neutrinos. It attains beta equilibrium. Its temperaturgpdrdown to 1-2 MeV. The mass
accretion is now over. The crust and the core have differeatrmo emissivity and thermal
conductivity. So, their cooling rates are also differehtakes almost 100 years to achieve

thermal equilibrium depending on NS radius and thermal aotidty of the crust.

1.5 Structure and Properties of a Neutron Star

Neutron stars are the densest known objects in the obseruablerse. Its density varies
from 2-5 times the nuclear saturation densjty € 2.7 x 104 g/cm? ) at the core to{ 10*
g/cm?®) at the outer crust. Its compositions also change drabtifrain crust to core. The
outer crust consists of Fe-group nuclei in BCC lattice ingadrin degenerate electron gas.
After this layer, we have the inner crust where the neutrders soming out of the nuclei
when the density reaches the neutron drip point. As the tlegees higher, the matter
undergoes a series of transitions of different shapes whiobw called the ’pasta’ phase.
At the crust core interface, nuclei completely dissolveaimrf neutron-rich nuclear matter.
From outer core to inner core, the density rises even highdrmaay finally rich many
timesp, at the center and become uniform nuclear matter. Genettadl\structure of both
hot and cold NS, depends on the equation of state of compositf matter at very high
densities. So, the accurate measurements of mass and oédiasld NS can impose very
strong constraints on the properties of matter.

Measurements of isolated neutron star are still not passilt, precise measurements

are done for a NS in a binary system using pulsar timing. Is $igstems, the five Keple-



rian parameters measured are perify, (projection of semi-major axis along the line of
sight (@ sin ), eccentricity €), periastron time’{;) and longituded). Properly constrain-
ing these parameters, the mass of the NS is estimated. Alsmme compact binaries,
relativistic effects on the orbit can also be measured. @lags called post-Keplerian pa-
rameters, namely periastron advance of the otbjt @ravitational redshift+), orbital
period decay due to gravitational radiatidf)(@nd the Shapiro time delay.

The discovery of binary pulsar PSR 1913+16 in 1974 by HulsETaylor lead to first
precise measurement of neutron star mas$i(8 + 0.0003M) [47]. The millisecond
pulsar PSR 1903+0327 df67 + 0.02M, [48], measured in 2008, PSR J1614-2230 of
1.97+ 0.04M, [49] in 2010 and PSR J0348+0432201 + 0.04 M, [50] subsequently in
2011 have raised the bar. The knowledge of the preciselyunedsnass of neutron stars
has important consequences for constraining the equatista® of dense matter. It can
throw light on otherwise poorly known composition of the quamt star core.

There is no direct measurement of radius available for nawgtars with accurate mass
measurements till now. But, many indirect observation néplres have been proposed.
Thermal emission spectrum from the surface can be analgzawbe the radius. Also, the
measurements of moment of inertia and pulsar glitches caogmstraint on the radius. In
future, the Square Kilometer Array will be able to preciselgasure the moment of iner-
tia from spin-orbit coupling, upto second order post-Nevida corrections to periastron

advance$1].

1.6 Asteroseismology of Neutron Star

Magnetars are one type of neutron stars with a very strorffg@imagnetic field- 10** —

10'° G. The existence of this kind of objects was first proposed bydan and Thompson
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in 1992 B2]. There are two groups of objects that satisfy the criterig Soft Gamma
Repeaters (SGR) artg Anomalous X-Ray Pulsars (AXP). The main characteristics of
these objects are: a) they are isolated objects, b) theirpgiod is relatively longer than
the pulsars{ 1 — 10s), c) they also have very large spin down rates< 10~1% — 10~

s s'!) There are three kind of bursts observed from these objdgtshort bursts with
duration of~ 0.1 — 10s and peak luminosity 103 — 10* ergs/s, associated with both
SGRs and AXPs, 2) intermediate bursts with duration-of — 40s and peak luminosity
~ 10* — 10* ergs/s, associated with both SGRs and AXPs and 3) giant fleinésh
consists of a hard pulse which lasts only for a fraction ofcoad, followed by a decaying
softer part(x-ray/gamma ray tail of the spectrum) whiclddsr hundreds of seconds. The
peak luminosity of giant flares can rise upto 10** — 10* ergs/s. These are observed
only in SGRs p3]. Generally, the dissipation and decay of very strong magfield on
the surface causes a change of orientation of the field wkicbnsidered to be the main
cause of this huge release of energy in SGRs. Most receritfgiemevent (SGR 1806-20)
was observed in December, 20@456]. In the decaying part of the light curve of SGR
1806-20 as several quasi periodic oscillations(QPOs) haea detected with frequencies
in the range of 18 Hz to 1800 Hz. The analysis of the light cuv8GR 1806-20 gives
the frequencies of 18, 26, 30, 92.5, 150, 626, and 1838 Hz. phigsical origin of the
QPOs are proposed as seismic vibration of the star. Thissofeenpossibility to perform
asteroseismological analysis of neutron star.

This thesis is organized the following way. In chap®erthe theory of dense matter
is discussed. Then, the results from core collapse supersiawlations using hyperon
EoSs are described in chapfer Following that, the possibility of exotic matter in cold
NS is discussed in chaptér and finally in chapteb, the role of nuclear physics in the

oscillations of highly magnetized neutron stars is disedss
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meaasssssssmmmn CHAPTER?Z S

THEORY OF SUPERNOVA AND NEUTRON

STAR MATTER

2.1 Introduction

Since the early ages of nuclear physics, there have beenrausnatempts to provide the
theoretical description of infinite nuclear matter and @mies of finite nuclei and also
neutron rich matter. Most of them rely on the phenomenokigisodeling. Quantum
Chromodynamics is the ideal theory to describe matter atibst fundamental level. But,
for low temperature and moderately high density i.e. in #weoof cold nuclear matter, no
useful solution of QCD exists. So, we have to rely on effecthveories which are relevant
to the hadronic scale. Many theoretical models have begopeal over the past century
to explain the characteristics of nuclear matter, from #gm@isempirical mass formula of
Bethe-Weizsackery[/] in 1935, non-relativistic Skyrme models§, 59] in the 1950s to

the quantum hadrodynamics modeis)][ developed by Walecka in 1974 etc. The stud-
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ies in nuclear physics have progressed in mainly two dwasti microscopic many-body
calculations using realistic nucleon-nucleon potentszaidd phenomenological relativistic
and nonrelativistic mean-field theorie®1]. All of these models are written in terms of
parameters which are fitted to reproduce the propertieseagdturation densities. So, at
that point they all behave approximately in the same waydidter significantly both at
subsaturation densities and also suprasaturation densifj.

Historically, the theory of nucleus was developed follogvithe atomic theory as a
collection of non-relativistic nucleons interacting tbgh instantaneous two-body nucleon-
nucleon potential, so that it could be solved by the Scim@eli equation. This potential
was fitted with the low energy nuclear scattering data angemees of deuteron. How
ever, this potential is strong and short range which makesyt difficult to solve. Over the
years, several sophisticated methods such as variatibaal summation, quantum Monte
Carlo method etc. were developed to solve for the wave fancind find correlations in
many body systemsp, 64]. These methods are computationally intensive.

Another significant approach to realistic nucleon potérgiBethe-Bruekner-Goldstone
(BBG) method which starts from bare nucleon-nucleon imttgosa as determined from
scattering datad]. It is a many body theory where in-medium effects on the aoict
nucleon interaction are incorporated within the Brueckeeaction matrix G which is cal-
culated using perturbative expansion. Recent studiesstamen that the nuclear EoS can
be estimated with good accuracy in the Brueckner two-haole éipproximation with the
continuous choice for the single-particle potenttl][ But non-relativistic pure two-body
potential fails to reproduce the correct nuclear satungpioint. There have been several
attempts to improve the theory including three-body foicedrbana Model and Bonn B
potentials. But, symmetry energy, incompressibility aegyvimportant properties which

can not be determined and the speed of sound may also bec@mdusninal at higher
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density.

The relativistic version of BBG method is known as Dirac-8ckner-Hartree-Fock
(DBHF) theory. Here, the nucleon-nucleon interactionsoae-boson-exchange type/].

In this scheme, the free particle energy eigenstates pdkisfDirac equation and the G
matrix and the self energy are solved self consistently. This theory reproduces titeau
saturation properties much better than the original BBGitye

There are also several mean field theories both the nonvistat Skyrme type and the
relativistic Walecka type. In these models, the nucleodlean scattering is abandoned
in favour of phenomenological interactions. The paransetdérthe model are fitted to
empirical properties of bulk nuclear matter at nuclear rsditon density.

However, it should be emphasized that physical phenomeimdasest are relativistic
and involves creation and annihilation of particles. Sopmststent framework to describe
such processes should be based on relativistic quantumtlietay based on a Lorentz
covariant Lagrangian density. These theories are comnrefdyred as quantum hadrody-
namics (QHD) §0,68,69]. Walecka first proposed such kind of a model involving baiyo
and mesons to provide a simplified understanding of nucldirarclear matter. This is
a relativistic field theoretical model in which nuclear iraetion in matter is mediated by
the scalar meson and the vector mesow. This is traditionally known as the meson
exchange model. Later, the vector-isovegtaneson was also included in this scheme
to incorporate the isospin degree of freedom and exterysstedied in the mean field
approximation. The model including non-linear scalar nmetgsms yields the saturation
properties of nuclear matter and finite nuclei quite well.wdger, regime above satura-
tion density is not well understood. Extrapolating the eaclmatter properties to high
density leads to uncertainties. In most of the relativistean field (RMF) calculations,

non-linear self interaction terms for scalar and vectod§fielre introduced to account for
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the high density behaviour{)]. But this may not be a reliable approach due to instabdlitie
caused by divergence in self-interaction terms and higheardield dependence that may
appear at high densities. Another more suitable approati irscorporate the density-
dependence through the meson-baryon couplings/3]. In the density dependent model
the appearance of a rearrangement term in baryon chemitadtg@d significantly changes
the pressure, consequently the equation of state (EoSJlahdensities. It is a thermody-
namically consistent model and can be applied to systen@gleyormal nuclear matter.

We must also consider the role of nuclear symmetry energyemiergy associated with
the isospin asymmetry, on the behaviour of the EoS at higkities. The nuclear symme-
try energy alters the stiffness of the EoS. It is of great ingoace, along with its density
dependence, in studying many crucial problems in astrapsysuch as neutronization in
core collapse supernova explosion, neutrino emission fsmtoneutron star (PNS), neu-
tron star radii, crust thickness, cooling among variou®isti/4]. The symmetry energy
and its density dependence near the saturation demsiye denoted by, = E,,,(no)
and slope parametdr = 3nydE;,,,/dn|,—, 7—0 respectively. These parameters can be
constrained by the findings of precise nuclear physics éxgerts (heavy ion collision
analysis, dipole polarizability analysis etc.) as well agr@hysical observations. The
bounds on the parameters are found to be 29 Me\s, < 32.7 MeV and 40.5 MeV
< L < 61.9 MeV respectively {4, 75]. Now if we look into the most popular and widely
used parametrizations to model neutron star structurd, ascGM1, TM1, NL3 etc., we
find that the values of both symmetry energy and its slopenpetexs in all these cases
(For GM1,S, = 32.47 MeV andL = 93.8 MeV; TM1, S, = 36.95 MeV andL = 110.99
MeV; NL3, S, = 37.39 MeV and . = 118.49 MeV [75]) do not quite fall into the ex-
perimental range. Whereas the density dependent (DD2) Rbtdemwe are going to use
in the studies described in this thesis, with = 31.67 MeV and L = 55.04 MeV, are
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fully consistent with the above experimental and obseovaii constraints{3]. In fact, it

is the only relativistic EOS model with linear couplings.sAlthe DD2 EoS model agrees
well with the predictions by Chiral EFT7F]. However it should be noted that the density
dependent parametrization (DD) was in usg, /6, 77] even before this symmetry energy
experimental data was available. The current DD2 modegdiffrom the previous DD

model only by the use of experimental nuclear massés [

2.2 Formalism

We study the hadrons within the framework of a density depettadron field (DDRH)
theory. It is a QHD model where nucleon-meson couplings aterchined from the self
energies calculated in DBHF scheme using nucleon-nucletenpals. So, many body
effects of nucleon interactions are incorporate in the rhbgieconstruction 7€]. In the

present approach, the model Lagrangian dengity-(L s + £;) is of the form

Lp = Z Vp (170" —mp + goB0 — guBVuW" — 9o YuTB - P") VB
B=N
1 " 2 2 1 n%
+§ (0u00"c —mZo®) — i
1 2 I 1 pv 1 2 o 21
+§mwwﬂw - Zp,uz/ P+ §mpp,u g 2 ( . )

Leptons are treated as non-interacting particles and itbesicoy the Lagrangian density

L= ) i (iu0" = m) . (2.2)
l

Here; (I = e, p) is lepton spinor whereagz denotes the nucleond'(= n, p). The nu-

cleons interact via the exchange of scalavectorw, p mesonsy g is the isospin operator.
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The g,5(7)’s, wherea = o, w andp specify the coupling strength of the mesons with
baryons. However, we can choose the density dependence ofalhon-baryon couplings
in two ways - scalar density dependence (SDD) and vectorityetespendence (VDD).
Here we consider the couplings as vector density-dependéret density operatai has
the form,ﬁ:m, wherej’u = 9,1 Also, the meson-baryon couplings become func-

tion of total baryon density [71,73] i.e.

(9aB(1)) = gaB((1)) = gan(n). (2.3)
The field strength tensors for the vector mesons are given by

W = P’ — O (2.4)

pl =0o'p” — 0" p". (2.5)

This Lagrangian structure closely follows the formalismigpel et al. [/2,73).

The recent discovery of a 2 Mneutron star puts stringent conditions on the com-
position and equation of state (EoS) of dense matter in aeudtar interiors§0]. Pauli
exclusion principle dictates the appearance of strangesegrees of freedom such as hy-
perons in the high density baryonic matter. But, it has béemws in many studies that the
presence of hyperons makes the EoS softer, which loweramaxiattainable mass of the
neutron star. So, it is incompatible with the measured oeuwtar masses. This is known
as the hyperon puzzl€§, 79]. Therefore, describing hyperon matter in neutron staes is
challenge in many-body theories. It has been argued thatyperon-hyperon repulsive
interaction due to the exchange of strange vector mesonsrihke=0S stiffer and might

overcome the puzzle.
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Therefore, the above model has been extended to accomntbeatbole baryon octet.
The interaction of hyperons with the nucleons is considénesigh meson exchange just
like the nucleon-nucleon interaction. However, an adddicstrange vector mesanis
also included, which is important for the the hyperon-hgpeinteraction only 70, 80].

Interaction among hyperons can be represented by the Lgigradensity

Lyy = > U5(gep0" — gon1ud") U +% (0,0%0 0" — m2.0*?)
B=A%,E
LG 4 2,0 2.6
_Zgbuugb +§m¢¢u¢ ) ( . )

where, the field strength tensor foiis given by,

oM =0ole” — 0. (2.7)

It has been reported that the attractive hyperon-hypertenaation mediated by* meson
is very weak J0]. We neglect the contribution of* meson in this calculation.

Using Euler-Lagrange relation the equations of motiontierrneson and baryons fields
are easily derived from the total Lagrangian density={ Lz + £; + Lyy). The density
dependence of the couplings while computing variatiod e¥ith respect ta)z gives rise

to an additional term.

SC L O opg
— = — + — — . 2 . 8
Mg O  O0ppoYgp (28)

This is denoted as the rearrangement t&ffw [71, 73], where

OL dpg
)L it - 2.9
ZB: O0pp 0Yp (29)
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This term adds to the vector self energy which is a major difiee between usual RMF
models with self-interaction and DDRH theory.

The meson field equations are solved self-consistentlyiRgepto consideration the
conditions for charge neutrality and baryon number coragem. We consider a static and
isotropic matter in the ground state. For such a static systé space and time derivatives
of the fields vanish. Also, in the rest frame of the matter tpace components of,,,
p, and¢,, vanish. Furthermore, the third component of the isovegtmreson couples to
baryons because the expectation values of the sourcesdayedty mesons in the equation
of motion also vanish in the ground state. It is to be netedesons do not couple with nu-
cleonsi.eg,n = 0. The meson field equations are solved in the mean-field appation
where the meson fields are replaced by their expectatioesalthe meson field equations

are given by

mio = Y gonny, (2.10)
B

miwo = Y guBnB (2.11)
B

mpos = Y GpBT3ENE (2.12)
B

miébo = Z%BTLB, (2.13)
B

We are considering a degenerate ground state. The numbstydand scalar number
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density for the baryon B are given by,

3
ng = (Ypyys) = 3—7:; ,

- 2Jp+1 [*rs mk
ny = (Ypp) = =2 / (CESTIE B k2 dk
0

272 k2 +mi2)1/2

(2.14)

’ kg + 2\ Ky +mi
m " Fp Fp B
= 55 [kes\ki” +mig —min 5 . (2.15)

Here, Jp is spin projection of baryor®.
The Dirac equation for the spi@ particles is modified with the inclusion of the rear-

rangement self-energy and given by
[ (0" — i) — mp| s = 0. (2.16)

The effective baryon mass is definedrag = mp — g,50, with mp as the vacuum rest
mass of baryon B whereas), = 2590)0 + zﬁgm is the vector self-energy. The first term in
the vector self-energy consists of the usual non-vanistongponents of the vector mesons
ie.

Eg)o = guBWo + 9pBT3BP03 + JpBP0 (2.17)

while the second term is rearrangement term, which arisedadensity-dependence of

the meson-baryon coupling constants][ assumes the form

55" = Y _[=0opons + gupwons + gypTanpoans + gypdons] . (2.18)
B

whereg/ p = %9;; ,a =0, w, p, pandrsp is the isospin projectiond® = n,p, A, X, 3°,

¥+, =-,=2% Charge neutrality an@-equilibrium conditions are imposed on neutron star
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matter. Baryons and leptons are in chemical equilibriumegosd by the general equilib-

rium condition,

i = bifln, — Giple (2-19)

where b; is the baryon numbey; is the charge ofth baryon ., is the chemical potential of
neutrons ang. is that of electrons. This condition determines the thrigsbba particular
hyperon. As the chemical potential of the neutron and ededtiecome sulfficiently large at
high density and eventually the threshold of hyperons aelred, they are populated. The

chemical potential for the baryon B is

pe = \/ k% + My + gupwo + 9pBT3BP03 + GeBdo + Zg’o, (2.20)

where the termy,z¢, in 15 is applicable for hyperons only. The energy density due to

baryons can be explicitly expressed as

1 1 1 1
eg = §m302 + §miw§ + §mzp%3§mi¢g

2Jp+1 [*rs \
+y = /0 (k* + m2)\ 2k dk. (2.21)
B

272

The expression for pressure due to baryd@isg?] is given by,

1 1 1 1 o
Pp = —§m¢27<72 + Qmiwg + Qmiﬁbg + émf,pag + 2 XB:HB

1 2Jg+1 [*rB k* dk
- § : S 2.22
3 — 2’ /0 (k2 + m33)1/? (2.22)

It also contains the additional rearrangement t@gn)((). The pressureKp) is also related
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to the energy densityg) in this phase through the Gibbs-Duhem relation

Pg =) pni—cp. (2.23)

The rearrangement term does not contribute to the energsitdeaxplicitly, whereas it

occurs in the pressure through baryon chemical potentlais. the rearrangement term
that accounts for the energy-momentum conservation anthtfyynamic consistency of
the systemT1]. Similarly, we calculate number densities, energy dé&siand pressures

of electrons, muons and those are given by,

_ k3
o= (Yiot) = i : (2.24)
KF
g = Zﬂ/ (k2 + m3)Y2k? di: (2.25)
Kr k* dk
Bo= _Zﬂ/ (k2 + 1/2’ (2.26)

To construct an EoS suitable for supernova simulation, we lt@ go beyond zero
temperature and-equilibrium. At finite temperaturd’, the number density and scalar
number density for the baryoR are calculated by integrating over all available momenta

statest [81,82] and given by,

A3k 1 1
ng = 2/ (2m)3 <€B(E*_VB) +1 T BB up) T 1) ) (2.27)
d3k m* 1 1
S = mp
nB — 2/ (27T)3 E* (GB(E*VB)+1 + GB(E*+VB)+1) 5 (228)

with the energyE* = \/k? + m’? ands = 1/T, including contributions from both parti-

cles and antiparticles. The thermodynamic potential pérwatume for baryons is given
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by,

Q Loy o 1 55 1 5,5 1 554 r(0)
v = 50— 5MuWo — My 0—§mpp03—2 B:];EETLB

3
/Y / TN (i1 + e 2E =2 1 in(1 4 AE+)] (2.29)

Now, we can evaluate the thermodynamic quantities at fiertgeraturd” such as pressure

P = —Q/V and energy density

1 1 1
A LG L L L
Bk, 1 1
Similarly, the entropy density is given by,
s=f(ep+ Pp — Z ing) - (2.31)
i=N,A%E

Entropy per baryon is given by = s/n, wheren is the total baryon densityn( =

d.p ).

2.3 Model Parameters

The nucleon-meson density-dependent couplings are detirfollowing the prescription
of Typel et. al [2,73]. The functional dependence of the couplings on density fiwsts

introduced in $3] and is described as

gozB(nb) = gaB(no)foz(x)a (2-32)
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Table 2.1: Parameters of the meson-nucleon couplings in &&el [73]

mesony JaB Qg bo Co, d,,
w 13.342362 1.369718 0.496475 0.817753 0.638452
o 10.686681 1.357630 0.634442 1.005358 0.575810
p 3.626940 0.518903

wheren, is the total baryon density defined ag,= > 5 np , v = ny/ng, and

1+ bo(x + dy)?

o) = e et dy

, (2.33)

Is taken fora = w, o. the number of parameters are reduced by constraining tiotidns
asf,(1) = fu(1) = 1, f5(0) = f,(0) = Oandf,(1) = f,(1) = 1, f/(1) = fi(1)
[72). The p, coupling decreases at higher densities, therefore, annexpial density-

dependence is assumed for the isovector medéa] i.e.

fo(z) = exp|—aq(z — 1). (2.34)

These functional dependence is now widely use&-$6]. The saturation density, the
mass ofc meson, the couplingg.s(ny) and the coefficients,, b., c., d, are found by
fitting the finite nuclei properties/’p, 73] and are tabulated in Tab21l The fit gives the
saturation density,, = 0.149065fm 3, binding energy per nucleon asl6.02 MeV and
incompressibilityX’ = 242.7 MeV. The masses of neutron, protan,andp mesons are
939.56536, 938.27203, 783 and 763 MeV respectively (Sele Tatif Ref [73]).

Next we determine the hyperon-meson couplings. In the @leseidensity-dependent
Dirac-Brueckner calculation for hyperon couplings, we ssaing factors{0] and nucleon-

meson couplings of Tabl2 1to determine the hyperon-meson couplings. The vector cou-
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pling constants for hyperons are determined from the SU(@nsetry [70] as,

1
2gw2 = Ju= = 3ng7

1
2902 = 9p= = gpN Gpr = 0,
2V/2
29¢A = gop= = —Tng . (2.35)

The scalar mesorv] coupling to hyperons is obtained from the potential degth by-

peron (Y) in the saturated nuclear matter

UY (no) = —gov 0o + guywo + 55, (2.36)
wherezg) involves only the contributions of nucleons. The analysismergy levels in
A-hypernuclei suggests a potential well depthoiin symmetric mattet/} (ng) = —30
MeV [87,88]. On the other hand, recent analysis of a févlypernuclei events predict a
= well depth of UL (ny) = —18 MeV [89,90]. However,X: hyperons are ruled out because
of the repulsiveX—potential depth in nuclear matter. The particular choicéygeron-

nucleon potential does not change the maximum mass of mesitaos P1]. We use these

values and find the scaling factor &, = %—IAV = 0.62008 and R,= = 2= = (0.32097.

9o 9o

2

We have used this parameters to write the EoS including loyysaihat were used to study

the core-collapse supernovae and also the structure obtieeutron stars.

2.4 Nuclear Statistical Equilibrium Model

At low temperature £ 10MeV) and sub-saturation density, matter is mainly composed

of light and heavy nuclei coexisting with unbound nucleo8#gle nucleus approxima-

25



tion (SNA) is used in the most used supernova EoSs of Shenldt3%aand Lattimer

& Swesty [38]. In SNA, whole distribution of different nuclei formed dog the core
collapse is represented by a single nucleus which is founchibymizing the thermody-
namic potential. But, supernova dynamics is sensitive ¢éottéatment of distribution of
different nuclei and nuclear clusters. Electron captute,raeutrino opacities etc. can
change, therefore altering the course of evolution. Restelies on statistical models by
Hempel and Schaffner-Bielicht()] take into consideration all these points and propose
a multi-component distribution where chemical equililbmiis governed by the extended
Saha equation. This is known the Nuclear Statistical Hopiilim model.

The grand canonical partition function is given by,

Z(Ta ‘/7 {Nz}) = Znuc HZA,Z ZC'oul . (237)

AZ

The Helmholtz free energy which includes the free enerdiascdeons, nuclei and Coulomb

contribution, can be written?)] as,

F(T,V{N:}) = =TInZ = Foue + > _ Faz + Foou - (2.38)

AZ

The number density of each species of nuclei is calculatad iaxwell-Boltzmann dis-

tribution as (],

= T
naz = Kga z( )( o T ,

(2.39)

MA,ZT) 3/2 o ((A — )8+ 2yl — May — B9 — PO, Vay

where,x is the volume fraction. Now, the free energy density can limee as {10],
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f = Z f?l,Z(Tv nA,Z) + fCoul(ne7 nA,Z) + gfqguc(T7 n/m n;) - T Z nA,Zln(H) : (240)
AZ A Z

This again includes the free energy densities of nucleardenand Coulomb interactions.

To construct a suitable EoS for supernova simulations, thetkoS tables for high den-
sity part and low density part should be combined togeth#r aismooth and continuous
transition from one table to the other which is achievedulgtominimizing the free energy

per baryon at fixed temperature, density, electron fraaimhminimal hyperon fraction.
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maaesssssssmmmn CHAPTER3 S

ROLE OF HYPERON EQUATIONS OF

STATE IN SUPERNOVA SIMULATIONS

3.1 Introduction

The g-equilibrated equations of state that include hyperongwenstructed after the dis-
covery of the massive neutron star by several groups. Thygserbn equations of state
are found to result in 2 M or heavier neutron star§f, 91-97]. Besides hyperons, the
antikaon condensate was also included in some calculatidrish led to massive neutron
stars P7]. In all of these calculations, the repulsive hyperon-hgpeinteraction that is
mediated by» mesons was considered.

Many EoS tables involving hyperons were developed for supe&r simulations. The
first hyperon EoS table was prepared B[ In this case, the full baryon octet was added to
the Shen nucleon EoS tableg41]. The Shen nucleon EoS table was based on a relativistic

mean field (RMF) model that had the Thomas-Fermi approxondor the description of
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inhomogeneous matter below the saturation dens#ljy Later, the Shen nucleon EoS was
extended to include onl) hyperons in the HSheA EoS table 42]. Another extensively
used supernova EoS is the Lattimer and Swesty (LS) nucle&tdtde, which was based
on the non-relativistic Skyrme interactioBd. RecentlyA hyperons were included in the
LS nucleon EoS43]. All these hyperon EoS tables were used in core collapsersopa
(CCSN) simulations by several autho#d[98-101]. However, none of these hyperon EoS
tables were consistent with the 2 Mheutron star constraint.

Recently, some new EoS tables have been computed that @aclutyperons within
the framework of the density dependent relativistic haq@DRH) field theory by Banik,
Hempel and Bandyopadhyay (BHB)4]. In those EoS tables, light and heavy nuclei, as
well as interacting nucleons are described in the nuclaéisstal equilibrium model which
takes into account the excluded volume effedfs 44]. Two variants of the hyperon EoS
tables were generated - in one case (BB the repulsive\ hyperon -A hyperon interac-
tion mediated by) mesons was considered, and in the other case (BHtBis interaction
was neglected. It should be noted that the DDRH model withxXb@ parameter set for
nucleons is in very good agreement with the symmetry energgearties at the saturation
density [/3,74,107. The charge neutrality ang-equilibrium conditions were imposed on
the BHB hyperon EoS tables to calculate the mass-radiusmeship of the static neutron
star sequence. It was observed that the maximum mass comdiag to the BHB\.¢ E0S
was 2.1 M, which is well above the recently observed massive neutran[44]. Other
hyperon EoSs fop-equilibrated neutron star matter gave rise to the maximwassmeu-
tron stars of 1.75 M for the HShem\ EoS 2], 1.6 M, for Ishizuka EoS41], 1.91 M,
for the LS+ EoS (3.

In this work, for the first time, we perform supernova simigias with the BHB\¢ E0S

table, which is compatible with a 2 Mneutron star, in the general relativistic one dimen-
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sional (GR1D) hydrodynamics cod&(3. Our main goal is to investigate the appearance
of A hyperons in the postbounce phase and the rolelofperons in CCSNs. Furthermore,
we compare our simulation results with those of previousutations with other hyperon
EoS tables, particularly the HShanEoS table 101]. We are looking for important effects
of hyperons in CCSN with the BHBp EoS compared with those of other hyperon EoS.

3.2 Methodology

First we shall discuss the salient feature of the BBand HShen\ EoS tables for CCSN
simulations {2, 44]. The EoS tables are functions of three parameters i.e obarymber
density, temperature, and proton fraction. In both casescompositions of matter that
vary from one region to the other depending on those parasate nuclei, (anti)neutrons,
(anti)protons, (anti) hyperons, photons plus electrons and positrons that formifarm
background. The contribution of (anti)neutrinos is noteditb the EoS tables and is dealt
with separately. We describe the baryonic contributiorolwel After that, we describe
briefly about the supernova code GR1D used to study the dyahmvolution of stellar

structure.

3.2.1 BHBA¢ and HShenA EoS tables

In the BHBA¢ EOS table, the nuclear statistical equilibrium (NSE) manfeHempel &
Schaffner-Bielich 40] is applied for the description of the matter made of light fweavy
nuclei, and unbound nucleons at low temperatures and bélevgdturation density. In
the NSE model, nuclei are treated as a gas of classical leartising Maxwell-Boltzmann

statistics. Excluded volume effects as well as medium ctmes such as internal exci-
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tations or Coulomb screening are taken into account. Theollison of heavy nuclei at
the saturation density is ensured by the excluded volungetstf Unbound nucleons are
treated by the DDRH model. The high density matter is desdrikithin the framework of
the DDRH model adopting the RMF approximatieit[71, 73]. The repulsive interaction
betweem\ hyperons mediated hymesons is included in the RMF model. Nucleon-meson
couplings in the DDRH model are density dependent. The DD&rpater set of nucleon-
meson couplings is used to describe the nuclear matter piep§ 3, 75,83, 107. Two
BHB A hyperon EoS tables with and withogitmeson were generated using above mod-
els [44]. It should be noted that the nuclear EoS in the DDRH modelgiBiD2 parameter
set was computed by Hempel and Schaffner (HS) is known as B&([Y5]. Ranges of
parameters in this table are baryon density= 10-'% to 1.2 fnm3, proton fractiony,, =
0.01 to 0.6 and temperature T = 0.1 to 158.49 MeV.

On the other hand, the uniform matter at high density and ¢ézatpre in the HShen
A EOS table was described within the framework of the RMF mauguding nonlinear
terms inc andw mesons 42]; non-uniform matter at low temperatures and below the
saturation density was considered as a mixture of alphéaclest heavy nuclei, and un-
bound nucleons. Heavy nuclei were calculated using the BEisdfermi approach. The
Shen EoS exploited the single nucleus approximation fovyhaaclei [39,42]. The inter-
action among\ hyperons due t¢ mesons was neglected in this case. Furthermore, in this
case baryon-meson couplings of the RMF model are densiigp@endent. We denote the
EoSs with and without\ hyperons as HShefn and HShen, respectively. The parameter
set from [LO4] that is known as the TM1 set was adopted for the nucleon-mesopling
constants of the RMF model.

The nuclear matter saturation properties of two RMF modstsdsed above are recorded

in Table3.1 It should be noted that though the incompressibility ofleac matter, sym-

31



metry energy, and its slope coefficient of the DD2 set at thargaon density are in very
good agreement with experimental valués, [ 5], the corresponding quantities of the TM1
set are not. This would have serious bearing on the desmmipfi high density matter in
the RMF model of HShendP]. For both EoS tables\ hyperon-vector meson couplings
are estimated from the SU(6) symmetry relation8, B8] and A hyperon - scalar meson
coupling is obtained from the hypernuclei data. Thieyperon potential depth is -30 MeV
in normal nuclear mattedp5-107).

The EoSs ofi-equilibrated and charge neutral cold neutron star maitaramd without
A hyperons are calculated from the supernova EoS Tables. &kemam masses of cold
neutron stars withoud hyperons for HS(DD2) and HShen EoS are given by Té&ble
Furthermore, the maximum masses of cold neutron starsspmoneling to the BHB ¢ and
HShenA are 2.1 M, and 1.75 M, [42,44], respectively.

For CCSN simulations, we make use of the HS(DD2), BHBHShen and HSheh

EoS tables which are available from the stellarcollapges@bsite'.

Table 3.1: The saturation properties of nuclear matter as@aturation density.{), bind-
ing energy (BE), incompressibility (K), symmetry energy,@&nd slope coefficient of sym-
metry energy (L) are obtained using the DD2 and TM1 paranatobtained using the
DD2 and TM1 parameter sets. Maximum masses of cold neutans withoutA hyperons
corresponding to the HS(DD2) and the HShen EoS are also omexttihere {4, 75,109.

Parameter ng BE K S L M, a0z
Set (fm=3) (MeV) (MeV) (MeV) (MeV) (M)
DD2 0.1491 16.02 243 31.67 55.04 242
™1 0.1455 16.31 281 36.95 11099 2.18

1Seehttp://stellarcol |l apse. or g/ equat i onof st at e
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3.2.2 General relativistic model for supernova simulatios

We perform the CCSN simulations using the spherically sytnmegeneral relativistic
(GR) Eulerian hydrodynamics code GR1D which was develope@’€onnor and Ott in
2010 [LOF. In this section, we describe briefly the GR formalism, miet schemes and
initial progenitor data used in the code. In this code, thdrbglynamical and 3+1 spacetime
evolution equations are solved in radial gauge polar glicoordinate systenip9. The

line element is given by,
ds® = —af(r, t)2dt* + X (r,t)%dr® 4+ r2dQ? (3.1)

where,a(r, t) andX (r, t) can be expressed in terms of metric potenkial, ¢) and enclosed

gravitational massu(r, t),

a(r,t) = exp(P(r,t)), (3.2)

X(r,t) = [1—2m(r)/r]"Y2. (3.3)

Ideal hydrodynamics is assumed, and the fluid stress-etemggr and matter current den-

sity are

™ = phutu” + g™ P, (3.4)

JE = put, (3.5)

wherep is the matter density, P is the Fluid pressute= 1 + ¢ + P/p is the specific
enthalpy,e the internal energyu” is the 4-velocity of the Fluid. In 1Dy* is equal to

(T'/a,Tv",0,0), wherel' = (1 — v?)~'/2 is the Lorentz boost factor and= Xv".
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For the Hamiltonian constraint and the momentum constegjoations 109, 110, we

get the expressions fon(r, t) and®(r, t),

m(r,t) = 47?/ (phT2 — P+ 72\ dr” (3.6)
0
T / t
O(r,t) = /0 X? [mgz, ) + 47’ (phT20? + P 4 75) | dr’ + @ . (3.7)

Here, the effects of trapped neutrinos are includedinry terms.

Fluid evolution equations are derived from local conseovaliaws
vV, T" =0, V,J'=0 (3.8)
In this code, the flux-conservative Valencia formulatiordified for spherically symmetric

flows is used[11,117. The evolution equations becomes,

1 ar? - -
Here,U = D, DY, S", ] are conserved variables which are functions of primitive-va

ablesp, Y., e, v, andP.

D Xpo
. DY, Xpl'Ye
U= = (3.10)
ST phT?v
T ph> — P — D
F'is the flux vector.
F = (Dv, DY,v, S"v+ P, S" — Dv), (3.11)
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Sis the source terms containing all the gravitational andenatteraction sources.

S= |0, Ry, (Sv—7—D)aX (87rP + 1) + aPX™

R+ QT+ Qg QU+ M|, (3.12)

Here, the neutrino source and sink term are denoted bjzshend@s [103. This system
of equations is solved by finite volume method and integratiare done by method of
lines using standard Runge-Kutta integrator.

Microphysical EoS for supernova matter is required to clitee GR hydrodynamic
system of equations. We use the BMB and HShenA EoS tables, as explained in the
previous section, in CCSN simulations with the GR1D code.

In chapterl, we discussed how crucial the neutrino treatment is for aessful su-
pernova explosion. In principle, it should be included ia §imulation framework via GR
Boltzmann transport which is computationally expensivac§, the aim of the GR1D code
to study the parameter spaces with huge number of simutatésnapproximate treatment
of neutrinos in the pre- and postbounce phases are implechéntfaster simulations.

In the pre-bounce phase, GR1D uses the fact that electrctioing. can be effectively
parametrized as a function of densifyi[J. However, in the post bounce phase this simple
parametrization leads to inaccurate results due to meléffects of deleptonization, neu-
trino cooling and heating. So, a three-flavour, energy @estaneutrino leakage scheme is
used to capture those effecisfi, 115. In this model, three neutrino species are considered
which are denoted by., 7., v, (= v,, v, v-, ;) [103 116. The leakage scheme exploited
in the GR1D code gives approximate number and energy emisaies. To mimic a ex-
plosion in the 1D spherically symmetric model, an artifici@utrino heating in the post

shock region is considered here. It involves a parametichegge current schemé17].
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The local neutrino heating rate is given by,

L, (r 1 _or
ﬁjat(,r) = fheatﬁga)aheat,uimixi<F—>e 2vi . (313)

Here, the scale factqf,..; could be enhanced beyond the normal value of 1 to achieve
additional neutrino heating for "successful” CCSN expbosi [L16. We take fi,eq: = 1
in CCSN simulations, if not stated otherwise. It has beemaddhat the results obtained
in CCSN simulations using the simplified treatment of newtiteakage and heating in the
GR1D were quantitatively similar to the results obtainamhfrone dimensional (1D) sim-
ulations with the Boltzmann neutrino transport by otherup®[L18 119. It was argued
that progenitor structures played more important rolebécbllapse of a protoneutron star
(PNS) to a black hole than the details of neutrino treatmehd][

In our studies, nonrotating progenitors of Woosley and H§@8107) [120 are used.
In their stellar evolution studied P( evolved zero age main-sequence (ZAMS) stars with
solar metallicity denoted by the prefixbefore presupernova models, followed by ZAMS

mass. Significant mass loss was reportesMfHO7 presupernova models]q.

3.3 Results and Discussion

Now, we present our investigations on CCSNs within the GR&&ecusing the HShen
hyperon and BHB ¢ EoS tables.

We perform the CCSN simulations with presupernova models@sded in Tabl8.2
In all numerical calculations, we fix the neutrino heatingtf# ;... = 1. In the next
paragraphs, we discuss the results of simulations stdiramgy the gravitational collapse

of the iron core followed by the core bounce to the postbowwedution of the PNS for
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s40WHO07 ands23WHO07 models with the HSheh and BHBA¢ EoS tables in details.
In all of these simulations, a shock wave is launched at thie bounce, it stalls after
traversing a few 100 km, then recedes and becomes an accsétick. Because neutrinos
in the 1D CCSN model could not revive the shock, the PNS shrihle to mass accretion
and its density and temperature increase during the pastieayvolution. This leads to the
appearance of hyperons in the PNS.

Table 3.2: Black hole formation time, baryonic and gravatiaél masses of PNSs for CCSN
simulations with the progenitor models df4(] and the BHB\¢ and HShen\ EoS tables

[109.

Model BHBA¢ HShenA

lpH Mb,maa} Mg,maa} lpn Mb,maa} Mg,max

(s) (M) (Mo) (s) (M) (Mo)
s20WHO07 1938 2251 2138 |1.652 1999 1.964
s23WHO07 0.879 2276 2.203 |0.847 2.095 2.073
s25WHO07 1548 2.234 2141 |1376 2.035 2.001
s30WHO7 2942 2243 2113 | 2.258 1.967 1.929
s35WHO07 1.175 2243 2.161 |1.084 2.071 2.041
s40WHO07 0.555 2250 2.210 |0.565 2.129 2.118

For s40WHO7, the core bounce occurs at 0.273 and 0.321 s, comdspto the
HShenA hyperon and BHRB ¢ EoS, respectively. Similarly, in the23WHO07 model the
core bounce times for the HShénand the BHB\¢ EoS are 0.266 and 0.315 s, respec-
tively. The appearance of strangenesadryperons in the postbounce phase and its role
in the evolution of the PNS are the main focuses of this ingasbn. Fors40WHO07 and
s23WHO07 models and both hyperon EoS tabled)yyperons do not populate the PNS at
the core bounce. In simulations with both presupernova mspdgangeness in the form
of A hyperons sets in a few hundred milliseconds (ms) after theelmounce and increases

with time thereafter.
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Figure 3.1: Mass fractions of different species in the PN&Ssaiown as a function of radius
for the HShem\ EoS (left panel) and the BHBp EoS (right panel) at,, = 0.31 and 0.51
s. The results in both panels correspond tos#h@/VHO7 model 109.

Figure 3.1 depicts the PNS compositions as a function of radius at tifferdint post-
bounce times fos40WHO7 with the HSher (left panel) and BHB. ¢ (right panel) EoS
tables. For postbounce timg,() 0.31 s, the central value df fraction is higher for the
BHBA¢ EoS than that of the HShethhyperon EoS. The profile of hyperons is wider in
the latter case. We find similar trends fdhyperons at a later timg, = 0.51 s. For both
EoS tables, the population af increases with time. It is to be noted that the central value
of the A fraction is a high density effect, whereas the off-ceriteare populated thermally.
We study the density and temperature profiles to undershastd¢haviour.

The density profiles as a function of radius are plottedst@®HWO7 at the bounce as
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Figure 3.2: Density profiles of the PNS are shown as a fundfoadius for the HShei
EoS (left panel) and the BHBp EoS (right panel) at the core bounce apgd= 0.31 and
0.51 s. The results in both panels correspond ta48VHO7 model 104].

well as fort,, = 0.31 and 0.51 s in Figuré.2 The left panel of the figure corresponds
to the HShem\ EoS and the right panel implies the results of the BHBEOS. At the
bounce, the central density.j of the PNS in both cases is just above the normal nuclear
matter density, as evident by the figure. Though the densitfiigs for both EoS tables are
quantitatively the same a&j, = 0, they differ at later times. The central densitytgt=

0.51 in the right panel is higher than that of the left panebadth cases, the central density
exceeds two times the normal nuclear matter density. This ¢tentral density facilitates a
significant population of\s in the core of the PNS, as seen in Fig. 1. However, the density

falls well below normal nuclear matter density at the taitteé profile. The off-centeAs
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Figure 3.3: Temperature profiles of the PNS are shown as didunof radius for the
HShenA EoS (left panel) and the BHBp EoS (right panel) at the core bounce apd=
0.31 and 0.51 s. The results in both panels correspond t&&wHO07 model 109.

in Figure3.1could not be attributed to the density effect.

The temperature profiles as a function of radius are shown46WHO07, with the
HShenA hyperon (left panel) and the BHB (right panel) EoS tables in Figu&3. Just
as in Figures.2, the temperatures profiles are plotted at the core bouncg,asdd.31 and
0.51 s in both panels of Figu@3. The peaks of temperature profiles located away from
the center of the PNS for both EoSs after the core bouncedaiitoward the center with
time in both panels. It is to be noted that the central tentpegaat the bounce is higher
for the BHBA¢ E0S compared with the corresponding temperature for theeRISHEOS.

Furthermore, the peak temperature around 8 km at 0.51 scafterbounce in the case of
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Figure 3.4: Same as Figugel but for thes23WHO07 model. The results correspond to the
HShenA EoS (left panel) and the BHBp EoS (right panel) at,, = 0.31 and 0.51 sl[0g].

the BHBA¢ EOS is much higher than the corresponding scenario for theeRS EoS.

This high temperature results in thermally produdellyperons away from the centre of

the PNS as shown in FiguBel. We find from Figure3.1that thermal\s are more abundant

around 8 km at later times for the BHB EoS due to a higher peak temperature.

We also study profiles of particle fraction, density, andgenature fos23WHO07 using

both hyperon EoS tables as shown in Figuse$ 3.5 and 3.6. We obtain qualitatively

similar results fors23WHO7 as we have already discusseds#®WHO7.

Now we focus on the postbounce evolution of the PNS for déffiépresupernova mod-

els with nuclear and hyperon EoS tables corresponding to the HShen and BHB models

Figure 3.7 exhibits the evolution of the central density of the PNS wittk postbounce
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Figure 3.5: Same as FiguBe2 but for thes23WHO07 model. The results correspond to the
HShenA EoS (left panel) and the BHBp EoS (right panel) at the core bounce apd=
0.31 and 0.51 s1[09.

times for s40WHO7 (left panel) and23WHO07 (right panel). Results are shown in both
panels for the HShen nuclear EoS, the HSAeBoS, the HS(DD?2) nuclear EoS and the
BHBA¢ Eo0S. It should be noted that the core bounce time for the loypEoS is the same
as that of the corresponding nuclear EoS.

In all cases in both panels of FiguB7, we find that the central density increases
gradually to several times the normal nuclear matter dgrisibally, there is a steep rise in
the central density when the PNS dynamically collapsesaritack hole in milliseconds.

It should be noted that the black hole formation time is défe for different EOS models.

It is evident from the CCSN simulation ag3WHO07 that the black holes are formed at
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Figure 3.6: Same as Figuge3 but for thes23WHO07 model. The results correspond to the

HShenA EoS (left panel) and the BHBp EoS (right panel) at the core bounce apd=
0.31 and 0.51 s1[09.

1.511 and 1.623 s after the core bounce for the HS(DD2) and 8teen E0S, respectively.
For s40WHO7, the black hole formation time is 0.942 s in the casthefHS(DD2) EoS,
whereas it is 1.084 s for the HShen EoS. For both supernovaisetd nuclear EoS
tables, the black hole is formed earlier in case of the HS(DXB&n the situation with the
HShen EoS. The maximum gravitational (baryonic) PNS maase®.464 (2.616) M
and 2.459 (2.587) M for s40SWO07 with the HS(DD2) and the HShen EoS, respectively.
Similarly, for s23WHO07, those are 2.428 (2.605):Mind 2.383 (2.512) M corresponding

to the HS(DD2) and the HShen EoS. On the other hand, the dgaaodllapse to a black

hole is accelerated for the HShédnand BHBA¢ EoS tables because hyperons make the
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Figure 3.7: Central baryon density is plotted with the postixe time for the HShen nu-
clear EoS, the HSheA EoS, the HS(DD2) and the BHB) EoS . The results in the left
and right panels correspond to ttdOWHO07 ands23WHO07 models109.

EoS softer. It is evident from Figur&7 that the black hole formation time is shorter for
hyperon EoS than that for the corresponding nuclear EoS edexythere is little difference
between the black hole formation times corresponding tdHBkenA and BHBA¢ E0Ss.

The results of CCSN simulations with other presupernovaetsoate recorded in Table
3.2 The first column of the table lists the presupernova modeRes. [12( starting
from s20WHO7 tos40WHO07. Two EoS tables, such as the HSheand the BHB\¢
are adopted in these calculations. Under each EoS, the ditgna represents the black
hole formation time#z ) estimated from the core bounce and the next column gives the

maximum baryon mass (M,..) followed by the maximum gravitational mass {M,.) of
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the PNS at the point of instability corresponding to the @ntalue of the lapse function
0.3. Further investigations with the twd hyperon EoSs reveal an opposite behaviour
of tgy than what has been observed for nuclear EoSs. AHoyperon EoS¢ gy for the
BHBA¢ is always greater than that of the HShé&rfor all presupernova models except
s40WHO7. The comparison of two hyperon EoSs shows that the/BHiB a stiffer E0S
than the HShern\.. The explanation of this behaviour may be traced back tortbleision
of repulsiveA-A interaction in the BHB.¢ EoS. For all presupernova models and EoSs
adopted in simulations, it is evident from the table thatreximum gravitational mass
of the PNSs in each case is higher than their correspondingmman cold neutron star
masses. However, in some cases, the maximum gravitaticasd of the PNS collapsing
into a black hole with the HShef EoS is less than the two solar mass limit because the
HShenA EoS does not result in a 2 Mcold neutron star. It is interesting to note that in
the case of the HSheh EoS, the difference between,M,, of the PNS and the maximum
mass of the cold neutron star that includeblyperons (1.75 M) is appreciable, whereas
the maximum gravitational mass of the PNS for the BHBEOS is very similar to the
value of the corresponding maximum mass of the cold neuti@mwath As (2.1 M,) for
the entire set of progenitor models. This shows that theriakeffects in the PNS for the
BHBHA¢ might not be as strong as in the PNS with the HShdaecause the EoS is stiffer
in the former case. The role of decreasing thermal pressiireimcreasing stiffness of
the EoS was already noted by Ref1f. This should have interesting implications for the
study of the metastability of the PNS with the BAB EoS.

We compare our findings with other CCSN simulations with mgpd=0S. The Ishizuka
hyperon EoS includes, 3, and= hyperons and is an extension of the HShen nuclear EoS
[41]. The CCSN simulations were performed in a spherically sytnimgeneral relativistic

neutrino radiation hydrodynamics model using a 49 pfogenitor of [L5] and the Ishizuka
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Figure 3.8: Total neutrino luminosity as well as v, andv, luminosities are plotted with
the postbounce time for the HS(DD2) (left panel) and the BiAEright panel) EoS. The
results correspond to thdOWHO7 model 109.

hyperon EoS 99, 10(0. With the LS+A EoS K3] Peres et al. 12]] carried out a similar
investigation using arnd0WW progenitor and a low metallicity 40 Mprogenitor of Ref.
[16] called u40. Banik (2014) 101] also studied CCSN simulations using the HShen
EoS and progenitor models of Ret.q(, particularly studying the long duration evolution
of the PNS in the context of understanding the fate of the @ahpbject in SN1987A. It
should be noted that though our results with the BHHBEOS are qualitatively similar to
those of earlier calculations, they are quantitativelyeddnt because only ouy hyperon
EoS is compatible with the 2 Mlimit of cold neutron stars. The early black hole formation

due to softening in th& hyperon EoS compared with the nuclear EoS is a robust cannlus
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Figure 3.9: Total neutrino luminosity as well as 7. andv, luminosities are plotted with
the postbounce time for the HShan(left panel) and the BHB¢ (right panel) EoS. The
results correspond to th&dOWHO7 model 104].

in all of these calculations.

In this study, we have ignored the hyperon-neutrino intevacas Peres. et alP]]
have shown that neutrino scattering off hyperon may not bgrafieant factor in the evo-
lution of the PNS. Total neutrino luminosity as well as 7., andv, luminosities as a
function of postbounce time are plotted in Fig@r&for the HS(DD2) (left panel) and the
BHBA¢ (right panel) EoS. The results are shown here forsdf@®VHO7 model. It should
be noted that the neutrino emission ceases earlier for ti&\BHtase than for the scenario
with the HS(DDZ2) nuclear EoS. A similar conclusion was a&d\at in the simulation with

other hyperon EoS<.p0 101]. The shorter neutrino burst corresponding to Ahleyperon
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EoS before the collapse of the PNS into the black hole coulthienportant probe for the
appearance of hyperons in the PNS. This demands a more accurate treatfmeutoinos
in the GR1D code.

Figure 3.9 exhibits the neutrino luminosities for both the hyperon EoS and the
s40WHO7 model. We find similar features for neutrino lumirniesi for both cases. Though
we are considering a phase transition from nucleak fyperon matter, we do not find any
evidence for a second neutrino burst, which was observedfinstaorder quark-hadron
phase and was responsible for a successful supernova iexplds].

So far we have seen that simulations in the 1D CCSN model nheglat to accretion
driven black holes in failed supernovae. If a successfuésupra occurs, can exotic mat-
ter such as hyperons make the PNS metastable and drive ittongea low mass black
hole during the long duration evolution when thermal suppecreases and deleptoniza-
tion takes place in the PNS? Such a scenario was envisagelefaron-observation of
a compact object in SN1987A1p, 122, 123. This problem was also studied in CCSN
simulations 1 01,124,125.

We continue our study by increasing the neutrino heatintggaator tof;,.., = 1.5 for
s20WHO7 with the BHB\¢ E0S. The left panel of Figure 10 exhibits the shock radius as
a function of postbounce time. For the neutrino scale fagtqf = 1, it fails to launch a
successful supernova explosion and the shock radius recé&dteally, the PNS collapses
into a black hole. Forf,,..; = 1.5, it is observed that the shock radius increases with time
after a successful supernova explosion. The PNS remaible statil 4 s. We do not find
any onset of the metastability in the PNS due to the loss afriaksupport and neutrino
pressure during the cooling phase over a few seconds. Thaowifor the metastability
is very narrow because the maximum PNS mass in this case 38 24} whereas the

maximum cold neutron star mass corresponding to the BHBoS is 2.1 M,. The PNS
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might evolve into a cold neutron star. Gravitational masdate PNS forf,.,, = 1 and

1.5 are shown as a function of postbounce time in the rightlpafiFigure3.10 The PNS

cools down to a neutron star with a masd.64 M, at the end of 4 s.

3.4 Summary and Conclusions

We have performed CCSN simulations using the BHEEOS, which is compatible with

a 2 M., neutron star, and several progenitor models from the st&il@ies of Ref. 120.

It is observed that\s are produced a few hundred milliseconds after the coredsoun



The appearance of hyperons is studied in great detail. It is evident from theasiky
and temperature profiles as a function of radius thatare produced in the core of the
PNS when the central density exceeds two times the norm&aumatter density during
the postbounce evolution phase. On the other hand, an oféicpopulation of thermal
hyperons is the result of peak values of temperature awaythe center of the PNS. When
we set the neutrino heating scale facfgr,; = 1, each CCSN simulation ends with the
formation of a black hole driven by mass accretion. It istiesting to find out that the black
hole formation time for the BHB¢ E0S is shorter than that of the HSh&foS though the
opposite conclusion is drawn from the accretion drivenlblame with the HShen nuclear
and HS(DD2) EoS models. This is attributed to the fact thatrépulsiveA-A interaction
in the BHBA¢ E0S makes it a stiffer E0S than the HSheiiEoS. Neutrino luminosity is
found to cease with the formation of a black hole earlier fierA hyperon EoS than for the
corresponding case with the nuclear EoS. We have studiedehestability of the PNS due
to the BHBA¢ Eo0S in the long duration evolution after a successful superrexplosion
using thes20WHO7 progenitor model with the increased neutrino hgasicale factor of
freat = 1.5. In this case, we do not find any delayed collapse into ldekthole due to the
presence of\ hyperons in the PNS. The PNS that has a madss64 M, remains stable

until 4 s and might become a cold neutron star.
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meeeessssssssssm CHAPTER4

EFFECTS OFEXOTIC MATTER ON

NEUTRON STAR STRUCTURE

4.1 Introduction

It is still an open issue if novel phases of matter such as toyye Bose-Einstein conden-
sates of pions and kaons and also quarks may exist in neuaomserior or not. The
presence of hyperons and antikaon condensates makes tlstE&@Sesulting in a smaller
maximum mass neutron star than that of the nuclear E&§ [27]. In fact strangeness in
the high-density baryonic matter is almost the inevitalWesequence of Pauli principle.
Strange degrees of freedom would be crucial for long timéugiom of the PNS 101] also.
The observation of massive compact stars with mag4/., puts stringent constraint on the
model of neutron stars and may abandon most of the soft Eo8eVé, it is at present not
possible to rule out all exotica with recent observation asymrmodel calculations includ-

ing hyperons and/or quark matter could still be compatilitl the observations. Many of
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these approaches are parameter dependent, for exampleSheith hyperons are compat-
ible with the benchmark dfM, [86,92,93,121,128 129. Antikaon condensate is another
possible strange candidate in the dense interior of nestars. It was first demonstrated
by Kaplan and Nelson within a chirédllU(3), x SU(3)r model in dense matter formed
in heavy ion collisionsI3(. The isospin doublet for kaons & = (K, K°) and that
for antikaonsk” = (K, K°). The attractive interaction in nuclear matter reducestthe i
medium energy of (anti)kaons; which at higher density evalht falls below the chemical
potential of the leptons and electrons are replaced. Aotikabndensation was later stud-
ied in details in the context of cold neutron star and prowras star 23 127,131] in
the RMF model, also in the density dependent RMF mod&). [ The net effect ofiK~
condensates in neutron star matter is to maintain chargeatigureplacing electrons and
to soften the EoS resulting in the reduction of maximum mas#seoneutron starq1,123,
which was found to be within the observational limit. Alseetthreshold of (anti)kaon
condensation is sensitive to antikaon optical potentidl resence of charged hyperons
pushes the threshold to higher densities. In a recent stoitiytbe approaches, density de-
pendent couplings and higher order couplings, in preseh@nt)kaon condensates have
been comparedlBZ. All the parameter sets were found to produid¥, neutron stars
without antikaon condensate and some with antikaon cordensut hyperons were not
included in that study.

We investigate the possibility of antikaon condensatioeta equilibrated hyperon
matter relevant to the dense interior of compact stars. Weneork with less to moderately
attractive antikaon optical potential depth. We also ¢#seeson for hyperonic and kaonic
interaction. Antikaon condensation in the presence of hype&vith additionalyp-meson
has been studied previouslyl], but not in the realistic density dependent framework. In

this work we are interested to explore in a density depenuewle! whether this softening
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of EoS that arises due to both antikaon condensation anddrypean still produce aM,

neutron star within the observational limit.

4.2 Formalism

A phase transition from hadronic to antikaon condensedenattconsidered here. This
phase transition could be either a first order or second doralesition. The hadronic phase
is made of different species of the baryon octet along wieittebns and muons making
a uniform background. This phase is described by the Lagaardensity of Eq.2.1 as
discussed in Chaptéx

Now, we discuss the antikaon condensed phase composed theadpecies of the
baryon octet, the antikaon isospin doublet with electrod amons in the background.
The baryon-baryon interaction in the antikaon condensed®ls also described by the
Lagrangian density of Eq.2(1). We choose the antikaon-baryon interaction on the same
footing as the baryon-baryon interaction. The Lagrangiensdy for (anti)kaons in the

minimal coupling scheme is given b33 127,133 134
Lx =D/KD'K —mi?KK | (4.1)

where the covariant derivative B, = 0, + ig,xw, + i,k Tk * P, + iger @, and the
effective mass of (anti)kaons is given by, = mx — g,x0 Wheremg is the bare kaon
mass. The isospin doublet for kaons is denotedsby: (K, K°) and that for antikaons

is K = (K-, K°). For s-wave p = 0) condensation, the in-medium energiesiof=
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(K—, K°) are given by

Wg-, K0 = My — GukWo — Jox Do F Gk Lo3- (4.2)

It is to be noted that fos-wave =0) K condensation at T=0, the scalar and vector densi-

ties of antikaons are same and those are giveri B [

Ng-, g0 = 2 (WK*,KO + GurWwo + 9¢K<Z50 + ng/JO?,) KK . (4.3)

The requirement of chemical equilibrium fixes the onset domdof antikaon condensa-

tions in neutron star matter.

fn — [y = fr— = He (4.4)

wherep - and ;o are respectively the chemical potentialsfof and K°. In the mean

field approximation, the meson field equations in the presehantikaon condensates are

given by
Mo =Y GenMh + Gox Y Nic (4.6)
B K
miwo = ZngnB — JuK an( ) (4.7)
miﬂo:’, = Z 9pBT3BNB + JpK Z T3RNK » (4.8)
mi% = Z 9¢BNB — JoK Z ng, (4.9)

Antikaon condensates do not directly contribute to thequesso it is due to baryons and
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leptons only. However, the presence of additional term du@mnti)kaons in the meson
field equations change the values of mean fields. Alsomesons modify the charge neu-
trality condition. Thus the values of rearrangement terrasgure etc. are changed when
(anti)kaons appear. The energy density of (anti)kaons/andbye; = mje (nx- + ngo).
The total energy density has contribution from the bary@mikaons and leptons =

ep + € + €, whereeg ande; are given by Eqs2.21and?2.25 respectively. However, the
expression for pressure in addition contains a rearrangetaanm in the condensed phase

(r) L
(X%), that has the same form as Efj18and is given by

= 1 1 1 1 )
Pt = —§m§02 + Qmiwg + §m§¢3 + amf,/)g:a + Eg) E ni
B
1 2J5 +1 /’CFB kAdk 1 1 /KFz k*dk
T3 eyl B ————775(4.10
3; 22 Jy (K24 m)/2 3;# 0 (k2+ml2)1/2( )

Next, we proceed to calculate the mass, radius and strustae@mpact stars using the
realistic equations of state described above. We considpharically symmetric star of
ideal fluid in hydrostatic equilibrium and solve the Tolm@ppenheimer-\Volkoff (TOV)

equation,
dP __[P(r) + e(r)][M(r) + 47r*P(r)]

dr rlr—2M(r) (4.11)

Here, P(r), e(r) represent the pressure, energy density of the fluid at radiuBhe total

gravitational mas3/(r) enclosed by radiusis given by,
M(r) = 47T/ e(r ) dr’ (4.12)
0

We integrate the TOV equation with the initial condition la¢ tenterP(r = 0) = P. and

boundary condition at the surfa¢gr = R) = 0.
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4.3 Model Parameters

Next, we compute the meson-anti(kaon) couplings on the daatmg as that of meson-
hyperon couplings. However, we do not consider any dem@fyendence here. Coupling
constants ofv and p mesons with kaons are obtained from the quark model andirsosp
counting rule 27,134 and the coupling constant @fmesons with kaons is given by the

SU(3) relations and the value ¢f,, [70],

1
Juk = gngv; 9ok = gpn  and V2 gox = 6.04. (4.13)

The scalar coupling constant, () is obtained from the real part of ti€~ optical potential

at the normal nuclear matter densi[ 71,123 127
Uk (o) = —gok0 — Gurwo + 33 . (4.14)

The study of kaonic atoms clearly suggests an attractivie kaon nucleon optical poten-
tial [135 136). However, there is controversy about how deep the potastiavhether the
(anti)kaon optical potential is extremely deep, as it iSgnred by the phenomenological
fits to kaonic atoms data, or shallow, as it comes out fromamypithiral model calcula-
tions [137]. Different experiments also suggest a range of valued/fprfrom —50 to
—200MeV and do not come to any definite consensLiE]. We chose a set of values of
Ug from -60 to -140 MeV. The coupling constants for kaons witmeson,g,x at the

saturation density for these valueslgf for DD2 model is listed in Tabld. 1
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Table 4.1: Parameters of the scatfameson -(anti)kaon couplings in DD2 modélr].

Uz (MeV) [  -60 -80 -100 -120 -140
IR -1.24609 -0.72583 -0.20557 0.31469 0.83495
4.4 Results

We report our results calculated using the DD2 model. Werbegth the composition
of the star in the presence of different exotic particles.tifesneutron chemical potential
and the Fermi level of nucleons become sufficiently largegtt density, different exotic
particles could be populated in the core of the star. Firstovesider antikaon condensates
(K, K% in the nucleon-only system consisting of proton, neutedactron and muon.
ForUgk(ng) = —60MeV, K~ appears al.11n, in the nucleon-only matter. The threshold
density of K~ condensation decreases as the antikaon potential in muncktter becomes
more attractive. We note that the threshold densiti afondensation shifts towards lower
density as the strength &z (no)| increases. Also, it is observed that condensates
populate beforgs® condensate appears. It is always energetically favorabpopulate
the condensates of negatively charged kaons, that takesot#ne charge neutrality but
being condensates, do not add to the pressure unlike thenkeptThe threshold densities
of K~ (K°) in B-equilibrated matter with different compositions aredistn Table4.2, the
values corresponding t&° condensates are given in the parentheses.

Next, we consider\ and=—, =° apart from nucleons. At low density, the system
consists of only nucleon and leptons until strange baryppsar beyond twice the normal
matter densityA hyperons are the first to appearat2n,, followed by=" at2.44n, and

finally =° sets in at7.93n,. If we allow the (anti)kaons in addition t& hyperons, K~
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Table 4.2: Threshold density (in units of) of the K~ (K°) condensates in the DD2
model. (-) denotes no-show of the®/].

Ux (MeV) | -60 -80 -100 -120 -140
npk -~ K? 4.11(7.16) 3.74(6.62) 3.40(6.07) 3.08(5.54) 2.79(5/00)
npAK-K° | 6.54()  5.30(-)  4.35()  3.63(7.65) 3.07(6.40)
NPAS-Z0K - KO | -(-) () () 6.07(8.95) 3.81(6.79

appears a8.07ny and6.54ng at Uy = —140MeV and—60 MeV, respectively. However,
K" appears only at higher density and for a deeper potentighdgf;| > 120 MeV). The
presence of hyperons delays the onsékafondensation to higher density as evident from
Table4.2. Moreover, negatively charged hyperons diminish the sd@athemical potential
delaying the onset k'~ condensation.

In Fig. 4.1we compare the particle fractions for a particular valu&gf= —120MeV.
Before the onset of exotic particles, the charge neutraityaintained among protons,
electrons and muons. We see thhahyperons appear at 2.22 and its density rises fast
at the cost of neutrons. We notice that the onseKkof condensates takes care of the
charge neutrality of the system as soon as it appead$ait, and leptons are depleted.
This behaviour is quite expected, & mesons, being bosons, condense in the lowest
energy state and are therefore energetically favorableaiotain the charge neutrality of
the system. Another notable fact is the rise of proton foacéis soon as thE — condensate
takes care of the negative charge neutrality; leads to anstliso-spin symmetric matter
at higher density.

In case=" is also present, both the (anti)kaons condense only at hagmesity and for
|Ux| > 120 MeV as is noticed in Fig4.2. The early onset ¢t~ hyperons does not allow

K to appear in the system for lower valuedgf. We see the competition of all the exotic
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Figure 4.1: Fraction of various particles/irequilibrated n, pA and lepton matter includ-
ing K~ and K condensates fdi; (ny) = —120 MeV as a function of normalized baryon

density P7].

particles in Fig.4.2for Uz = —120 and — 140MeV. Though the onset &~ delays the
appearance of antikaon condensates, with strobige= —140MeV, K~ suppresses™
and even manages to replace it completely at higher density.

In Fig. 4.3 pressure (P) is plotted against energy densityfdr system consisting of
nucleons and (anti)kaons for differelif. The solid line corresponds to the nucleon-only
matter whereas the other lines correspond to the mattardimg X~ and K° conden-
sates for antikaon optical potentidls; (ny) = -60 to -140 MeV. The EoS is softened as
soon as theéX~ and K° appear, the effect being more pronounced for a deEgerThe
EoS withU; = —140MeV is the softest. The kinks in the EoS at mid energy densi-

ties (426.5 to 693.0MeV fm=3) correspond to thé~ onset and those at higher densities
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Figure 4.2: Fraction of various particles/irequilibrated n, pA, =, =0 and lepton matter
including K~ and K° condensates fdr z (ny) = —120 MeV and—140 MeV as a function
of normalized baryon densit@{].
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Figure 4.3: The equation of state (EoS), pressure (P) vggmensity ). The full line is
for n, p, and lepton matter whereas others are with additisiiaand K° condensates cal-
culated withU (ny)= -60,-80,-100,-120 and -140 MeV. Deegég corresponds to softer

EoS P7).

(872.1 to 1492.6 MeV fm~2) mark theK® condensation. Similarly we draw the EoS in the
presence of hyperons in Fig.4. With the appearance df hyperons a830MeV fm ™3, the
slope of the EoS deviates from the nucleon one. The EoS isdusbftened at the onset
of ==. However, the EoS considering all the exotic particles isthe softest one here.
We have seen that hyperons delay (anti)kaons to highertgtefisis explains the relative
stiffness of the EoS at higher density in the presence albng with other particles. In the
figure we only draw the (anti)kaon EoS corresponding'idng) = —120 MeV.

We solve the TOV equations to find the stellar structure oicstompact stars and
show our result in Figs4.5, 4.6 corresponding to the equations of state of Eig and

4.4, respectively. For low densityn( < 0.001fm~3) crust, we used the EoS of Baym,
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Figure 4.4: The equation of state (EoS), pressure (P) vgegragnsity €) for various
particle combination of n, p\, =—, Z° and lepton in3-equilibrated matter includings -
and K condensates with'z (ny)=-120 MeV P7].

Pethick and Sutherland39. The set of maximum mass of the nucleons-only and hyperon
stars and their corresponding central densities and radiésponding to EoS of Figt.4,
are listed in Tablet.3. The gray band in both figures marks the observational limits

of Refs. 9,50]. We notice that in all the cases the values of the maximumsnias

Table 4.3: Maximum mass, central density and radius of mmd@nly as well as hyperon
compact stars in the DD2 model. Maximum mass i8/4g, central density with respect to
the saturation density,, radius in km. §7]

M(Mg) ne.(no) R (Km)

np 2.417 571 11.87
npA 210 640  11.57
npAZ 2.032 6.66 11.42
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Figure 4.5: The neutron star mass sequences are plottedadditls for the equations of
state of Fig. 4.3, The full line is for n, p, and lepton matter whereas othees \aith
additional K~ and K° condensates calculated witfy (ny)= -60,-80,-100,-120 and -140
MeV. DeeperUj corresponds to lower line. The gray band specifies the oasenal
limits [97].

well above the benchmatk0 M, the radii being within the range of 11.42 to 11.87 km.
Radii decreases with additional exotic degrees of freeddufter the EoS, less mass it can
support against gravity and more compact is the star. Themuat mass of a nucleon-
only star is2.417M,, with the inclusion ofA and= hyperons this reduces 1M/ and
2.032M,, respectively. Itis noted that the core containand=", but no=" and is denser
compared to the nucleon-only case.

Table 4.4 enlists the values of maximum mass and its correspondinyateanergy
density and radius for the hyperons and (anti)kaons EoS diitbrent values of optical

potential. When we consider (anti)kaons in addition to tbel@ons, they are found to
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Figure 4.6: The neutron star mass sequences are plottedadditls for the equations of
state of Fig.4.4. The gray band specifies the observational linfitg.|

reduce the maximum mass of the star forla}l, but the central density does not increase
until it has gotk®, which happens onljl/z| > 120 MeV. In the presence of hyperons,
for U as low as -60 MeV, antikaons do not have any effect on the maximnass, a#& ~
condensate appears@bin,, that is beyond the central density aAd does not appear
at all. The effect of{~ condensates is pronounced fr¢&fi;| = 80 MeV, where the core
contains considerable fraction Af, but still noX° condensates. Both (anti)kaons appear
only at|Ugz| > 120 MeV and reduce the maximum mass.

Next we discuss the scenario when our system cont&@m# addition to nucleons,
A and K. ThoughK appears folUz| > 120 MeV, the maximum mass is reduced for
Uiz = —140 MeV only. As it is evident from Fig4.2, the core (densit$.65n,) contains

only 2% and 15.5% of K~ condensate for the two cases respectively wheféasoes
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Table 4.4: Maximum mass, central density and radius of camgi@rs with nucleons,
hyperons and (anti)kaons for different values of opticaéptial depth in the DD2 model.
Maximum mass is i/, central density im, radius in km and/; in MeV. [97]

Ui -60 -80

M N, R M Ne R
npK ~ K" 2.376 554 12.152.343 5.53 12.19
NpA K~ K° 210 6.4 11.57 2.098 6.35 11.62

NPAZ"Z°K~-K° | 2.032 6.66 11.422.032 6.66 11.42

-100 -120 -140

M Ne R M Ne R M N, R

2.299 56 1214 2.242 5.78 12.052.164 591 12.01

2.085 6.29 11.68 2.058 6.36 11.64 2.02 6.63 11.4§

2.032 6.66 11.422.032 6.65 11.432.016 6.67 11.4

not populate the core at all. So only~ condensate plays effective role in reducing the

maximum mass of the star, that also for optical potentiapdethan—120 MeV.

4.5 Summary

We study the equation of state and compositions of hypemdsatikaon condensates in
neutron star matter within the framework of relativistidditheoretical model with density-
dependent couplings. The density dependence of nuclesomwuplings are determined
following the DD2 model of Typekt. al[72,73]. The density dependent meson-hyperon
vertices are obtained from the density dependent mesadegrucouplings using hyper-
nuclei data 7(], scaling law [L4( and SU(6) symmetry. The scalar meson coupling\to
and= hyperons are fitted to the potential depth of respective toyyein saturated nuclear
matter, which is available from experiments. A repulsivieraction between the hyper-

ons is mediated by the exchange¢dfi020) mesons. The couplings of antikaon-nucleon
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interactions are obtained in the similar manner. Howewery ire not density-dependent.

The abundance of all the particles considered here matcleghve results of other
models. In all the caseg, hyperons get into the system first, followed by the negativel
charged=" hyperons. The antikaon condensates also populate theanukdter at rea-
sonably low densities for a deeper optical potential. H@vew hyperon-rich matter their
appearance is delayed until higher densities. Also, thamedy charged hyperons di-
minish the electron chemical potential delaying the on§gto condensation. All these
findings are consistent with earlier results.

Neutron star masses have been precisely measured for snparg pulsars. Until very
recently, the largest precisely measured NS ma$9is+ 0.04 M, for PSR J1614-2230,
and2.01 +0.04 M, for PSR J0348+0432. We observe that the strangeness deffess
dom softens the nuclear EoS that results into the reducfioewron star maximum mass.
Most of the existing models conflicts with the observationsath high pulsar masses.
However, in all the cases we find the maximum mass within timstraint of observational
limits. So we conclude that exotic EoS can not be ruled outleyobservation of @i/,
compact star. In the framework of the DD2 model, there is gsdor accommodating
strange hyperons and antikaon condensates within thewaltieeral limits of neutron star

mass.
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CHAPTERS m—

MAGNETOELASTIC OSCILLATIONS OF

NEUTRON STARS

5.1 Introduction

Soft gamma repeaters (SGRs) are characterized by theisiemisf bright and repetitive
flashes of soft gamma rays. There are about 14 SGRs knownvahseally [141]. In
sectionl.6, we have discussed the types of bursting events and themdities that can be
associated with the SGRs. Among them, the giant flares ayeaer and exceptional event
that can only be exceeded by gamma ray bursts and blazersis o¢ luminosity p3]. So
far only three cases of giant flares have been recorded asd #te SGR 0526-66 in 1979,
SGR 1900+14 in 1998 and SGR 1806-20 in 2094, [42-145. In all those giant flares,
the early part of the light curve was dominated by a spegtratd spike of short duration
(~ 0.5s) followed by an extended softer decaying tail which is mathd at the neutron

star’s spin period. The tail pulsated with high amplitudd #asted for a few hundreds of
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seconds 50 cycles) [L44.

SGRs are proposed candidates for magnetars which are negns that have very
high magnetic fields- 104 —10' G [52,147,148 on the surface and possibly much higher
internal fields 49 150. Giant flares might be caused by the evolving magnetic field.
Since the field is very strongly coupled with the the crust agmetars, its reconfiguration
could induce severe stress on the crust that might resutiiqusakes. The precise interplay
between the magnetospheric twist and magnetar crust isdtivell understood. However,
it was argued that starquakes produced by the giant flardd exgite Global Seismic
Oscillations (GSOs)147]. Quasi-periodic oscillations were found in the decayiai) af
giant flares of SGR 1806-20 and SGR 1900+14. Detected frepsefor SGR 1806-20
are 18, 26, 30, 92.5, 150, 626 and 1838 Hz6], whereas for SGR 1900+14 detected
frequencies are 28, 53.5, 84 and 155 H%1. Huppenkothen et alls2-154 recently
analyzed short bursts of some SGRs and found QPOs with fnegpee93 and 127 Hz in
SGR J1550-54181F7 and with 57 Hz in SGR 1806-20.p3.

It was noted from earlier theoretical models, that the highequencies of the ob-
served QPOs could be explained reasonably well using pear shodes as well as crustal
magneto-elastic (CME) mode&44, 147, 155-16(J. On the other hand, the lower fre-
guencies might be identified with the Alfvén oscillationtbé fluid core. This makes the
study of the oscillations of magnetar more difficult. Therrevmodels to explain frequen-
cies of QPOs using only Alfvén oscillations of the fluid careglecting the effect of the
crust [L58 161-163. Levin [161, 164 first pointed out that the strong magnetic fields of
magnetars should couple the Alfvén oscillations of fluidecwith the oscillations in the
solid crust. After that many authors studied the problenetad [165-169. The magneto-
hydrodynamics (MHD) coupling between the crust and corseapure crustal modes to

decay by emitting Alfvén waves into the crust. It was argtlet CME modes might still
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appear in GSOs and explain frequencies of observed QPO®fmerny strong magnetic
fields [170. But global modes are expected to couple to the Alfvénioonim in the core,
and leads to the damping of the modes. Simulations to simglifiodels showl[61, 165
that CME oscillations are efficiently damped in the Alfv@mtnuum as the crust reacts to
the motion of the core. Consequently long-lived QPOs candmeiated at special points
of the continuum (turning points and edges of continuum).

Several groups also studied the effect of neutron supeitftadd/or proton supercon-
ductivity of the crust and/or core on the calculated freqieshof magnetarsl[/1-173. It
was noted that neutron superfluidity enhanced fundameae@liéncies of magneto-elastic
oscillations. On the other hand, it was argued that prot@esaonductivity could be de-
stroyed in magnetic fields 5 x 10'¢ G [174].

Nuclear physics of crusts plays an important role on the retmgalastic modes of mag-
netars. In particular, the effects of the nuclear symmetergy on the CME frequencies
were investigated recently 0. CME mode frequencies are sensitive to the shear mod-
ulus of neutron star crusts which strongly depends on theposition of the crusts. In
earlier studies of magneto-elastic modes the effect of mtagfield on the composition
of the crust was not considered. Surface magnetic fieldsrge &~ 10'> G have been
reported in magnetars. Further, indirect estimates usiagctalar virial theorem does not
exclude internal magnetic fields up16'® G. Such large magnetic fields in magnetars may
influence the ground state properties of neutron star crR&tsently, the influence of Lan-
dau quantization of electrons on the compositions and emsaf state (EoS) of outer and
inner crusts have been investigated and appreciable chaveye obtained in those prop-
erties when the magnetic field is very strodg) ¥ 10" G) [175 17€. This, in turn, might
influence the shear modulus of crusts and thereby magnastieefrequencies of magne-

tars. This motivates us to study both crustal and global moflescillations of magnetars

69



using magnetized crusts. We define the crust to be magnétineemagnetized) when the
effect of magnetic field on the crustal composition is coesd (not considered).

We organize the chapter in the following way. We describe eodor calculating
oscillation modes, shear modulus and compositions and Eotgnetized crusts in Sec.
5.2 Results of this calculation are discussed in Se8. Sec.5.4 gives the summary and

conclusions.

5.2 Formalism

QPOs were investigated in Newtonian gravity},155177,178 as well as general relativ-
ity [156,158 170,179,180 with and without magnetic fields and also crust-core coupli
was included in some of those studies. But the magnetic fiedtgly couples the crust to
the core and we need to take that into consideration whikutating the magneto-elastic
modes.

Here we first study the effects of magnetized crusts on thenetagelastic modes con-
fined to the crust (CME) only, by considering a free slip betwéhe crust and the core.
Next, we calculate the global magneto-elastic (GME) modesre/ coupling between the
crust and the core has been considered. Mode frequencieslatdated following the
model of Refs. [56 180, 181]. The spherically symmetric general relativistic model of
Sotani et al. 181] adopted in this calculation is a simplified one comparedhie state-
of-the-art general relativistic magnetohydrodynamid&HQO) model [L6§. Furthermore,
we do not consider the coupling to the Alfvén continuum witthe framework of this
study, as the aim of this work primarily is to investigate iuence of magnetized crusts
on QPOs.

Itis well known that a strong magnetic field breaks the splaésymmetry of a neutron
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star due to anisotropy of the energy momentum tenk®#] Hence the isotropic Tolman-
Oppenheimer-Volkoff (TOV) equations are no longer apgilegor computing the mass-
radius relations for polar magnetic fields10'” G.

Ideally for large magnetic fields, one must then calculateributron star structure
using the anisotropic stress-energy tensor and solvingt@ms for hydrostatic equilib-
rium [149. Although this approximation is reasonable for magnetitdfi < 10!” G, the
deviations from spherical symmetry become non-neglidiniéigher fields. However, the
aim of this work is to study the relative changes in the modguencies due to magnetic
fields. For this reason, we neglect the deformation of théromistar and assume it to be
spherically symmetric. The metric used to determine eguilm stellar models has the
form,

ds® — —2Pq2 1+ g2 4 2 (d6? + sin®0d¢*) . (5.1)

The equilibrium models are obtained by solving the TolImagpéhheimer-Volkoff (TOV)
equation with a perfect fluid EoS.

Here we consider an axisymmetric poloidal magnetic fieldegated by four current
J, = (0,0,0, Jp) and expand the four-potential into vector spherical hain®asA,, =
ag,, (1)sinl0y Py, (cosb).

The perturbed equations are obtained by linearizing thatempus of motion of the fluid
and the magnetic induction equaticrbp, 18(. Torsional modes are incompressible and
do not result in any appreciable density perturbation inldgjium stars. Consequently,
one may adopt the relativistic Cowling approximation andleet metric perturbations

09,,=0 [183. We consider axial type perturbation in the four velocitydehe relevant
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perturbed matter quantity is tklecomponent of the perturbed four velocity? [156]

ou® = e *OV(t, r),iagpl(cosﬁ) ) (5.2)
sinf

whered, andd, correspond to partial derivatives with respect to time énakspectively,
P,(cosB) is the Legendre polynomial of ordérand ) (¢, r) is the angular displacement
of the matter. It is to be noted that the radial and angulaiatians of azimuthal dis-
placement of stellar matter lead to shears of the cryst#téain neutron star crusts which
are described by the shear tensgy [179. Further, the shear stress tensor is given by
T, = —2uS,,, wherey is the isotropic shear modulus. The linearized equatiomamf
tion includes the contribution @7}, [154.

Assuming a harmonic time dependence Jii,r) = ¢“t)(r) and neglecting + 2

terms, one obtains the eigenvalue equation for the modedreay [L56

2 4
|f£+ (1 +2A1)(L4} V' + { (— + @' — A’) 1
r T
+u + (1+ le)% (@ — A)ay + 241 }y,

2 Y 12
+{ [<e+p+(1+2)\1)%)621\— 101 }w%zcb

27?2
—(A—2) pet
72 2mrd
(2 + 5)\1)&1

27rrd

(&' — AN)a) + a)"] }y =0, (5.3

where\ = /(¢+1) and\; = —¢(¢+1)/(2¢—1)(2¢+3). Equation §.3) reduces to the non-

magnetic case when we put= 0 [156]. Sotani et al. 159 showed that thé+2 truncation
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worked well for oscillations confined to the crust only. Thgesvalue equation for modes
confined to the crust was solved using a two dimensional nicalenethod wherd + 2
terms were not truncated$9. It was demonstrated that results were unaffected whether
¢ + 2 terms were truncated or not. With suitable choice of newaldes, EqJ.3) results
in a system of first order ordinary differential equatiohSq]. For magneto-elastic modes
confined to the crust, we impose a zero traction boundaryitonat the interface between
the core and the crust as well as the zero torque conditidreadurface 156, 170. These
conditions imply)” = 0 at the surfacer(= R) of the star and the interface & R,.) of
the crust and core. For the GME modes the boundary condititreasurface is the same
as CME modes156 168§. The other boundary condition is the regularity at the eent
(Y ~ r=1). Finally, we estimate eigenfrequencies by solving twa farsler differential
equations.

The knowledge of the shear modulus of magnetized crustsimaortant input in the
eigenvalue equation [E¢.(3)] for the CME mode calculation. Here we adopt the following

expression of the shear modulus at zero temperaléé 185

(Ze)?
1= 0110472 (5.4)
a

wherea = [3/(47n;)]'/3, Z is the atomic number of a nucleus andis the ion density.
This form of the shear modulus was obtained by assuming aattcd and performing
directional averageslpf. Further the dependence of the shear modulus on temperatur
was also investigated with the Monte Carlo sampling tealioy Strohmayer et allB5.

The composition and equation of state of neutron star carstessential ingredients for
the calculation of the shear modulus as it is evident fronf54).

Now we describe the ground state properties in outer and gmsts in the presence
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of strong magnetic fields. The outer crust is composed ofenucimersed in a uniform
background of a non-interacting electron gas. To minintize@oulomb energy, nuclei are
arranged in a bcc lattice in neutron star crust3q. In the Wigner-Seitz approximation,
each lattice point is replaced by a spherical, charge-ako#ll with a nucleug A, 7) at
the center. Equilibrium nucleus is obtained by minimizinigplés free energy per particle
at fixed pressur and varyingA and 7,

Eioy + P
g=—""""""
Ty

(5.5)

)

wheren, is the baryon density and the energy dengity = ny(Wy + Wp) + €. includes
contributions from the energy of the nucleligy), lattice energy(/.) of the cell including
the finite size effects and free electron gag9 (175 187]. Similarly, the pressure is given

by the sum of the pressure of the lattice and free electron gas
1
P =P+ Winy, (5.6)

where, the electron gas pressufe = p.n. — . .

At neutron drip point, neutrons start coming out of nuclehisTis the beginning of
the inner crust where nuclei are immersed both in free nestas well as electrons. The
ground state properties of matter of the inner crust is desdrusing the Thomas-Fermi
model [L75. Nuclear liquid phase co-exists with the free neutron dessp in the spherical
Wigner-Seitz cell but a clear nucleus is not defined. We atitogpprocedure of Bonche,
Levit and Vautherin to subtract the free neutron gas of tHear®l obtain the nucleus

[188-190. The thermodynamic potential of the nucleus is given by,
Oy = Qne — Qa, (5.7)
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whereQq Qng are the thermodynamical potentials for the free neutronagaisthe total
of the nucleus plus the free neutron gas respectively. Heeghermodynamic potential is

defined by,

O=F > ugng, (5.8)

q=n,p
where F, i, andn, are the free energy density, baryon chemical potential amiber

density respectively. The free energy density is defined by,
Flng ) = [ 11+ e edir. (5.9)

which includes nuclear energy density calculated fromewmeinucleon potentials, Coulomb
energy density and energy density of free electron §as [L90.

For neutron star crusts in strongly quantizing magnetids$igt was showed earlier that
the Landau quantization of electrons strongly influencedigd state properties of neutron
star crusts in strong magnetic fields10'” G [175176. Energy and number densities of

electrons in presence of a magnetic figldre given by 175,187),

€B Vmax pfe(l/)

e = ﬁ Z gu/ Ee(Vapz)dpza (510)
m 0 0
€B Vmazx

Ne = 2—7T2 gupfe(y) ) (511)

0

where,v is the Landau quantum numbey, is the spin degeneracy factor, is the Fermi

momentum of electron and
Eo(v,p:) = [p2 +m2(1+2vB.)]'"* (5.12)
is the energy eigenvalue of relativistic electrons. Thasmtjties are affected by the phase
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space modifications due to Landau quantization of electr&as the modification in the
electron energy density will be manifested in E@s5, 5.6 and 5.9 which, in turn, will
modify the compositions and EoS of crusts. Itis to be notatgiotons are only influenced

by magnetic fields through the charge neutrality condition.

5.3 Results and Discussions

The composition and EoS of ground state matter in neutrgrcaats in strong magnetic
fields have already been studied’p, 176. We noted that the electron number density
in the outer crust was enhanced compared with the field free wdnen a few Landau
levels were populated for magnetic fields4.414 x 106 G [175. It was observed that
this enhancement grew stronger when only the zeroth Larelal Wwas populated at a
magnetic field strength of 4.41410'” G. Consequently, it was found that modifications
in the sequence of equilibrium nuclei which was obtained lyimmizing the Gibbs free
energy per nucleon. It was noted that some new nuclei suti$aand;2*Pd appeared and
some nuclei such #Ni and "®Ni disappeared in a magnetic field 6f = 4.414 x 106

G [179 when this was compared with the zero field case. It was furthserved that
the neutron drip point was shifted to higher density in pneseof a strong magnetic field
with respect to the field free casé75. Nandi et. al also performed the calculation of the
inner crust using the SLy4 and SkM nucleon-nucleon inteyast[176]. In this case too,
they calculated the equilibrium nucleus at each densitytpbike the outer crust in strong
magnetic fields, the electron number density was enhanoedodine electron population
in the zero Landau level for magnetic fielgs10'” G which , in turn, led to a large proton
fraction because of charge neutrality. For magnetic field$0!” G, equilibrium nuclei

with larger mass and atomic numbers were found to exist incthet [L76. The free
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Table 5.1: Saturation nuclear matter properties of diffe&kyrme nucleon-nucleon inter-
actions used in this work such as saturation dengify binding energy (BE), incompress-
ibility (K), symmetry energy (J) and its slope coefficien) (IL9]]

Parameter set p, BE K J L
(fm=3) (MeV) (MeV) (MeV) (MeV)
SLy4 0.16 15.97 229.91 32.00 45.94
SkM 0.16 15.77 216.61 30.75 49.34

Sk272 0.155 16.28 27151 37.40 91.67

energy per nucleon of the nuclear system was reduced in riadiedds compared with
the corresponding case without a magnetic field. Furthezmibmas noted that higher
symmetry energy in the sub-saturation regime for the SLydraction resulted in nuclei
with larger mass and atomic numbers than those of the Skivaictien.

In this work, we perform calculations of shear modulus angme#o-elastic mode fre-
quencies using the SLy4, SKM and Sk272 nucleon-nucleoreictiens. Saturation nuclear
matter properties of those interactions are listed in Taldlelt is evident from the table that
those nucleon-nucleon interactions differ in the symmentgrgy and its slope coefficient
from one interaction to the other. It is to be seen how the Wiebaof the symmetry en-
ergy and its slope coefficient in the sub-saturation densityld impact the compositions
of magnetized crusts, its shear modulus and finally mageleistic modes.

We calculate the shear modulus using Ef4 and the above mentioned models of
magnetized crusts. FiguBel displays the shear modulus as a function of mass density for
three nucleon-nucleon interactions of Tabléwith and without magnetic fields. Here we
have shown results faB, = B/B,. = 10* whereB,. = 4.414 x 10'* G, whereB denotes
the magnetic field strength at the pole. When the field streisgt 10! G, the shear
modulus does not show any appreciable change from that aktioefield because of large

numbers of Landau levels are populated in this case. As tlestieength is increased, less
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Figure 5.1: Shear modulus as a function of mass density feutron star of 1.4/, with
magnetic fieldsB, = 0 and B, = 10* and Skyrme nucleon-nucleon interactions of Table
5.1[197].

numbers of Landau levels are populated. Bor= 10% i.e. 4.414 x 10'7 G, the shear
modulus is enhanced due to the population of all electronisdrzeroth Landau level. In
all three cases, the shear modulus increases with masdydesdi before the crust-core
interface. It is observed from Fig5.1 that the shear modulus is highest for the SLy4
nucleon-nucleon interaction whereas it is the lowest fer§k272 interaction. This can be
understood by noting that the symmetry energy at sub-daiom@ensities is highest for the
SLy4 interaction. In this density regime, the symmetry ggatecreases from its value at
the saturation density according to the slope coefficieptAs the SLy4 interaction has the
lowest value ofl. (see Tablé.1), it has the highest value of the symmetry energy among

all three nucleon-nucleon interactions. Higher symmetrgrgy leads to higher proton
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fraction and consequently higher electron fraction duédnéodharge neutrality. Therefore,
higher symmetry energy implies higher shear modulus asidert/from Eq. 6.4). The
shear modulus and shear spegd= (u/p)'/? are extrapolated to the zero value at the
crust-core interface for magnetized as well as non-maggetirusts. At densities close to
the crust-core boundary nuclei can take various non-spddeshapes collectively known
as nuclear pastd P2-194]. As the detailed nature of this pasta phase is not fullyiestt
and there is no calculation of the shear modulus of this ppetsand as the shear modulus
should vanish at the crust-core boundary, we extrapolatstthar modulus and shear speed
v, = (u/p)*/? to the zero value at the crust-core interface for magnetizedell as non-
magnetized crusts. This approach is similar to that of Ref(jJwhere an arbitrary fit was
used so that the shear modulus smoothly decreases to zér® atust-core interface, in
the absence of magnetic fields. We generate profiles of ttee siedulus as a function of
radial distance in a neutron star for calculating frequesiof magneto-elastic modes. The
shear modulus profiles along with the profiles of energy dgmasid pressure are obtained
by solving the TOV equation. In this context, we construetBoS of dense nuclear matter
in strong magnetic fields in neutron star core using a retdittvmean field model with the
GM1 parameter set as described in Réb(, 195 19¢. This EoS of dense nuclear matter

is matched with the EoS of the crust and used in the TOV equatio

5.3.1 CME modes

First we study the magneto-elastic modes confined to theé onlg. We investigate the
dependence of these mode frequencies on the compositidnseshear modulus of mag-
netized crusts. Earlier all calculations were performeidgigon-magnetic neutron star

crusts. Here we exploit models of nhon-magnetic as well asnetag crusts which were
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Figure 5.2: Frequency of fundamental £ 0, ¢ = 2) CME mode for a neutron star of 1.4
M, is shown as a function of magnetic fieltl = B/B, where B, = 4.414 x 10" G.
Results of our calculations using the SLy4, SkM and Sk272emmznucleon interactions

are shown herel1p1].

already described in this section. We consider CME modesnafudéron star of mass 1.4
M. Frequencies of fundamental & 0, ¢ = 2) CME modes are plotted with magnetic
fields in Fig. 5.2 for all three nucleon-nucleon interactions. Hergives the number of
radial nodes in the eigenfunctigf(r), in the crust.

It is observed that in each case the frequency increasessi@myy with magnetic
field for B* < 100. But for B* > 100, the frequency increases linearly with magnetic
fields. This behavior was also observed in earlier studiés, [L81]. The frequencies
corresponding to the SLy4 interaction f&* < 100, are almost two times higher than
those of the SkM and Sk272 interactions. This is the direasequence of the higher

value of shear modulus for the SLy4 interaction than theraihie interactions. However,
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Figure 5.3: Fundamental frequencies=€ 0) of CME modes are plotted as a function/of
values with and without magnetic crusts of a 14 neutron star based on the SLy4, SkM
and Sk272 nucleon-nucleon interactions fyr= 10*. [191]

there are no differences between our results with and withwagnetized crusts. This
shows that the increase in shear modulus due to magnetiadigdd small to change the
fundamental modes even for very high fielgds 10" G).

Figure5.3shows frequencies of CME modes corresponding te 0 plotted as a func-

Table 5.2: Radius and crust thickness for all three intevastatBx = 0 and Bx = 104

[19]

B=0 B, = 10
Set  R(km) ARR R(km) ARIR
Sly4 13.972  0.096 13.087 0.100
SkM 13.875  0.086 13.892 0.088
Sk272 13.910 0.089 | 13.927 0.092
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Figure 5.4: Frequencies of first overtones=£ 1) of CME modes are shown as a function
of ¢ values with and without magnetic crusts of a 24, neutron star based on the SLy4,
SkM and Sk272 nucleon-nucleon interactionsBr= 10*. [191]

tion of Z values for a 1.4/, neutron star, magnetic fieldl, = 10* and all three nucleon-
nucleon interactions. Furthermore, we calculate freq@snasing the non-magnetic as
well as magnetic crusts. In all cases frequency increadsishigher/ values. For higher
values of?, frequencies with magnetic crusts are found to be slightiglger than those of
non-magnetic crusts, i.e. when the effect of magnetic fieldh@ crustal composition is
neglected. This is true for all three nucleon-nucleon axdBons used in this calculation.
The small decrease in frequencies in case of magnetizets¢sudue to increase of radius
(R) of the star forB, = 10* as is evident from TablB.2 because fundamental frequencies
are inversely proportional t&.

We continue our investigation on frequencies of first oveetoq = 1) of CME modes
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Figure 5.5: Frequencies of CME modes corresponding+4o0 and/ = 2, 3, 4 are plotted
as a function of neutron star mass for a magnetic figld 8 x 10'* G using magnetized
crusts based on the SLy4, SKM and Sk272 nucleon-nucleomaatiens. [L9]]

in the presence of magnetic fields. Frequencies of first omes are shown as a function
of ¢ values for a neutron star of 1M, magnetic field3, = 10* and all nucleon-nucleon
interactions of Tablé&.1in Fig. 5.4. It is observed that the frequencies obtained with
magnetized crusts are significantly suppressed comparédtmose of non-magnetized
crusts for each nucleon-nucleon interaction and for all@slof/. This is understood if
we remember the fact that the radius of a star is sensitiieet@itustal EoS. Since strong
magnetic fields ¥ 10'7G) change the composition as well as EoS of the crust, thiastel
radius as well as crustal thickness also get affected. IteTaB, we have shown the radius
(R) and the ratio of the crust thicknesaR) to the radius of a neutron star fé« = 0

and B, = 10%, for all three nuclear interactions. From the table we sagtthe value of
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ARIR is larger forBx = 10* than for B = 0. It was noted that the ratio of the crust
thickness to the radius of a neutron star was inversely ptiopal to the frequencies of
overtones [56. Hence, it explains why overtone frequencies are smatienfagnetized
crusts withB* = 10%, even though the shear moduli are little larger for this ¢hae that
of B, = 0. The effects of nucleon-nucleon interactions are evidemhfthe figure where
the results of the SkM lie at the top and those of the SLy4 atieegbottom. This can also
be understood from Tabk 2 if we note that the ratioAR/R) is the highest for the SLy4
interaction and lowest for the SkM interaction.

The dependence of frequencies of the fundamental mode ghdrithiarmonics on neu-
tron star masses is demonstrated in Big.for the SLy4, SkM and Sk272 nucleon-nucleon
interactions. Here the frequencies corresponding to 0 and/ = 2, 3,4 are shown as a

function of neutron star masses for a magnetic figld 8 x 10'* G. For all cases, frequen-

Table 5.3: Frequencies of CME modes calculated using magadetrusts based on the
SLy4, SKM and Sk272 nucleon-nucleon interactions are coatbwith observed QPO
frequencies of SGR 1806-264-56, 153. The magnetic field used in this calculation is

B = 8 x 10" G. Heref, n and/ represent frequency, radial node and angular node,
respectively 191].

Observed Calculated frequency (Hz)
frequency (Hz) SLy4 SkM Sk272
(1.3My) (1.4M,) (1.7My)
f n ¢ f n ¢ f n /¢

18 200 0 2 130 0 2 180 0 3

26 - - - 207 0 3 243 0 4

30 3.7 0 3 278 0 4 303 0 5
57 531 0 5 550 O 8 505 0 10
92.5 941 0 9 945 0 14 939 0 16
150 1546 0 15 1526 0 23 150.0 0 26
626 6279 1 16 6269 1 27 6259 1 34
1838 18345 4 2 1836.3 4 2 18419 4 2
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Table 5.4: Same as Tab#e3 but for SGR 1900+141[51]. The magnetic field used in this
calculation isB = 4 x 104 G [191].

Observed Calculated frequency (Hz)
frequency(Hz) SLy4 SkM Sk272
(1.7Ms) (1.2M) (1.2My)
f n /¢ f n /¢ f n /¢

28 284 0 3 283 0 4 266 0 4
54 56.7 0 6 5568 0 8 525 0 8
84 842 0 9 827 0 12 838 0 13
155 156.4 0 17 1552 0 23 157.1 0 25

cies of CME modes decrease with increasing mass, wherelasriiigalues lead to higher
frequencies. It is observed from Fi§.5that frequencies corresponding to (non)magnetic
crusts based on the SLy4 nucleon-nucleon interaction achiigher than those of other
two nucleon-nucleon interactions. When the calculategueacies are compared with the
frequencies of observed QPOs, the latter might put a strongtraint on the EoS if masses
of neutron stars are known accurately.

Next, we compare the calculated frequencies of CME modds fnetjuencies of ob-
served QPOs. These comparisons are shown in T&bBsnd5.4. Here we have also
included QPO of 57 Hz found recently by Huppenkotletral. [153 in the short bursts
of SGR 1806-20. For SGR 1806-20, our results in TabBare obtained using the mag-
netized crusts of 1.3, 1.4 and 1M, neutron stars based on the SLy4, SkM and Sk272
nucleon-nucleon interactions, respectively, and magtieid B = 8 x 10* G. It is noted
that calculated frequencies below 93 Hz for each nucleateun interaction can not ex-
plain the observed frequencies whereas our results abadde 88 in very good agreement
with observed QPO frequencies456]. Similarly for SGR 1900+14, we calculate CME
mode frequencies using magnetized crusts of 1.7, 1.2 and/ 1 22eutron stars correspond-

ing to the SLy4, SKM and Sk272 nucleon-nucleon interactandB = 4 x 10'4 G. These
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Figure 5.6: Comparison of the GME frequencies with pure &tifrequencies as well as
CME frequencies is shown as a function of magnetic field ushgmagnetized crusts
based on the SLy4, SKM and Sk272 nucleon-nucleon interectjo91]

results are shown in Tab4. Our calculated frequencies for all three nucleon-nucleon

interactions are in agreement with the observed QPO fregeeonf SGR 1900+141F1].

5.3.2 GME modes

First we calculate pure Alfvén modes of a neutron star ofsras)/, by ignoring the
presence of the solid crust. In Fi¢.6, we show the pure Alfvén mode corresponding
ton = 0; £ = 2 as a function of magnetic field3,). Here,n stands for the number of
radial nodes in the eigenfunctions, in the liquid core. We et the frequency of this
mode increases linearly with magnetic field and become dquhbse of the CME modes

aboveB, = 100. Next, we calculate corresponding GME mode frequencievdaous
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Figure 5.7: GME mode frequencies far= 0 are shown as a function dfvalues with
and without magnetic crusts of a neutron star of nia$s/., based on the SLy4, SkM and
Sk272 nucleon-nucleon interactions 8y = 10* [191].

magnetic fields, taking magnetic crusts into consideratilagnetized crusts used here
are calculated with the SLy4, SkM and Sk272 nucleon-nucietamnactions.

It is observed that at low magnetic fields global mode fregiemnhave higher values
as compared to those of pure Alfvén modes. The GME modesoarelfto be confined
to the core for low magnetic field strengths. This scenarisinglar to the reflection of
GME modes at the crust-core interface as manifested inaébe-sf-the-art model of Gabler
et al. [L6§. Consequently, this leads to higher frequencies for GME@socompared
with those of pure Alfvén modes. But at higher magnetic 8el@ME mode frequencies
merge with that of pure Alfvén modes. This happens becaubeher values of fields

(B > 4.14 x 10%) shear modulus becomes negligible as compared to the niagffett
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Figure 5.8: GME mode frequencies for= 1 are plotted as a function dfvalues with
and without magnetic crusts of a neutron star of niass/., based on the SLy4, SkM and
Sk272 nucleon-nucleon interactions 8y = 10* [191].

(n < B?); in other words Alfvén velocity B/+/4mp) becomes much larger compared to
the shear velocity\(/;T/,o). We also show the frequencies of CME modes for comparison.
It is also evident from Fig5.6 that the effects of crusts on frequencies disappear at very
high magnetic field$3, > 100 and oscillations become magnetic oscillatioh37].

To see the effects of magnetic crusts on GME modes we catdihlese modes with and
without magnetic crusts based on the SLy4, SKM and Sk272Zpuoehucleon interactions.
Figuress.7and5.8show results for modes with = 0 andn = 1, respectively as a function
of ¢ for a neutron star of mass4 M/, and magnetic field3, = 10*. We can see there is no
significant change in frequencies if the crust is consideyd® magnetic. For fundamental

modes in Fig5.7, there is no appreciable change in frequencies with ancdwitmagnetic
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Table 5.5: GME mode frequencies obtained using the magrtktizists based on the SLy4,
SkM and Sk272 nucleon-nucleon interactions are compartddoliserved frequencies in
SGR 1806-20. The magnetic field used in this calculatiaBi is 3.1 x 10'°> G [191].

Observed Calculated frequency (Hz)
frequency(Hz) SLy4 SkM Sk272
(1.5My) (1.4My) (1.4M.)
f n /¢ f n /¢ f n /¢
18 178 0 3 182 0 3 181 0 3
26 261 0 6 261 0 6 258 0 6
30 30,7 O 8 30,7 0O 8 304 0 8
57 578 1 7 5727 1 6 56.7 1 6
92.5 930 4 2 916 2 8 945 2 9
150 1500 6 4 1509 4 10 1503 6 3
626 624.3 30 6 6264 28 6 628.6 27 9
1838 1837.3 96 5 1836.4 97 2 1835.8 87 10

crusts. Unlike Fig.5.3for CME modes, GME modes are insensitive to the small change
in R. In case of first overtones in Fi§.8, we do not find any appreciable effects of crusts
on frequencies because the magnetic fiBld= 10* is so high that oscillations become
magnetic oscillations.

We also attempt to match the observed frequencies with thbsalculated GME

Table 5.6: Same as Talie5 but for the SGR 1900+14. The magnetic field adopted here is
B =1.34 x 10" G [191].

Observed Calculated frequency (Hz)
frequency(Hz) SLy4 SkM Sk272
(1.4My) (1.3My) (1.3My)
f n /¢ f n /¢ f n /¢
28 280 1 6 284 1 6 280 1 5
54 547 3 8 547 3 7 536 2 11
84 847 7 5 84.1 6 6 844 5 8
155 155.6 16 3 1547 14 4 1545 11 9
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modes. The results are shown in Tab%es and5.6. For SGR1806-20, we compute
frequencies using the magnetized crusts of 1.5, 1.4 and/l,seutron stars based on
the SLy4, SKM and Sk272 nucleon-nucleon interactions,aesgely, and magnetic field
B = 3.1 x 10" G. These results are given by Tablé. We find that the calculated fre-
quencies agree well with the lower and higher frequenciesbserved QPOs. However,
it is noted that large values of are needed to fit higher frequencies. This feature for
higher frequencies was also obtained by Sotani etl&ll][ On the other hand, we exploit
magnetized crusts of 1.4, 1.3 and 1.3 Meutron stars corresponding to the SLy4, SkM
and Sk272 nucleon-nucleon interactions and magnetic field 1.34 x 10> G for SGR
1900+14. The Tabl&.6 demonstrates that the calculated frequencies are in gaeg-ag
ment with the observed frequencies of SGR 1900+14. We do ndtany appreciable

effects of nucleon-nucleon interactions in either table.

5.4 Summary and Conclusions

We have estimated frequencies of global magneto-elastitesas well as magneto-elastic
modes confined to the crust only of magnetars assuming aedipagnetic field config-
uration. Frequencies are computed using our models of miagdecrusts based on the
SLy4, SkM and Sk272 nucleon-nucleon interactions. Thohghdrmalism used in Sotani

et al. [L81] and in this calculation are same, magnetized crusts ardogegbfor the first
time here. The shear modulus of magnetized crusts is foube émhanced in strong mag-
netic fields~ 4.414 x 10" G because electrons populate the zeroth Landau level. It is
observed that frequencies of the fundamentak(0, ¢ = 2) CME mode are not sensitive

to this enhancement in the shear modulus in strong magnetis fiOn the other hand, fre-

guencies of first overtones (= 1) of CME modes in the presence of strongly quantizing
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magnetic fields are distinctly different from those of thédfiree case. It is shown that
that this is related to the the ratio of the crust thicknesthéoradius of a magnetar. We
have found that aB, = 10, the AR/ R is increased bg — 4%, which causes frequencies
of overtones to decrease by- 7%, for the models we used here. For GME modes, the
effects of crusts disappear above a critical fighl¢ 4 x 10 G) and oscillations become
magnetic oscillations. We have compared frequencies of @G GME modes calcu-
lated using different stellar models, magnetic field sttea@nd magnetized crusts based
on three nucleon-nucleon interactions with frequencieshsferved QPOs and conclude
that the agreement is reasonable for SGR 1900+14 in botls.cHssvever, the calculated
frequencies of CME modes do not match with lower frequenaf€dGR 1806-20, but can
explain higher frequencies well. In the case of GME modedijneethe opposite trends in
fitting the frequencies of SGR 1806-20. Finally new resuits ive have obtained would

be reproduced even in a sophisticated MHD calculation.
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